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- The UV, visible and IR spectra of H II regions are very rich in emission lines, primarily 
(1) collisional excited lines of metal ions and (2) recombination lines of 
hydrogen and helium. H II regions are also observed at radio wavelengths, emitting 
radio free-free emission from thermalized electrons and radio recombination lines 
from highly excited states of H, He, and some metals (e.g., H109𝛼 and C lines).

• Three processes govern the physics of H II regions:
- Photoionization Equilibrium: the balance between photoionization and 

recombination. This determines the spatial distribution of ionic states of the elements 
in the ionized zone.

- Thermal Balance between heating and cooling. Heating is dominated by 
photoelectrons ejected from hydrogen and helium with thermal energies of a few eV. 
Cooling is mostly dominated by electron-ion impact excitation of metal ion followed by 
emission of “forbidden” lines from low-lying fine structure levels. It is these cooling 
lines that give H II regions their characteristic spectra.

- Hydrodynamics, including shocks, ionization and photodissociation fronts, and 
outflows and winds from the embedded stars.
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• Ionization fraction
- In the CNM, the fractional ionization . In the WNM,  .

- In the WIM,  . In the HIM,  .
- Although the number of free electrons are small in the neutral ISM, free electrons play 

a role in bringing the WNM to kinetic equilibrium. Free electrons photo-ejected from 
dust grains are the major heat source in the neutral medium.

• H II regions, with T ~ 10,000 K and n ~ 0.3 cm-3, contributes only a few percent of 
the mass of the ISM, and no more than ten percent of its volume.
- Classical H II regions and planetary nebulae have a similar temperature, but 

planetary nebulae have a higher density.

x = ne/nH ∼ 0.001 x ∼ 0.1
x ∼ 0.7 x ∼ 1.0
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Ionization Energy
• First ionization energy = energy required to remove the most loosely bound 

electron in a neutral atom in its ground state.
- The first ionization energy of hydrogen is                             .
- The highest first ionization energy is that of He, with                                      .
- The second ionization energy of helium is                                   .
- The lowest first ionization energy of astrophysically interesting elements is that of 

potassium (K, Z = 19), with                    . (Rubidium, cesium, and francium have lower 
first ionization energies, but they are not much seen in the ISM.)

- Thus, photoionization of neutral atoms will be done by UV photons in the wavelength 
range 𝝀 = 500 - 3000Å (corresponding to E = 4.1 - 24.8 eV).

• A hydrogenic (hydrogen-like) ion with atomic number Z has an ionization energy 
of         .
- 54.4 eV for He II, 122.4 eV for Li III, and so forth.
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Photoionization
• The (nonrelativistic) quantum mechanics of hydrogen-like ions (with only one 

electron) give an analytic expression for the ground-state photoionization 
(photoelectric) cross section.

- The cross section at threshold is

- The photoionization cross section is reasonably approximated by a power-law:

- At high energies, the asymptotic behavior is:

The hydrogen photoionization cross section becomes equal to the Thomson (Compton)  
scattering cross section for   ; above this energy, photoionization of H is 
dominated by Thomson scattering rather than photoelectric absorption. 

h⌫ ⇡ 2.5 keV
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Figure 13.2 Photoionization cross sections for O, Ne, Mg, Si.

The photoionization rate (the probability per unit time of photoionization) is

ζp.i. =

∫ ∞

ν1

σpe(ν) c
uν

hν
dν , (13.5)

where uνdν is the energy density of radiation in the frequency interval (ν, ν+ dν).
Photoionization rates have been calculated for selected atoms and ions, for two
estimates of the local interstellar radiation field (Draine 1978; Mathis et al. 1983).
The resulting photoionization rates are given in Table 13.1.

The rates for neutral atoms cover a wide range, from 7 × 10−12 s−1 for K to
3 × 10−10 s−1 for Si – this wide variation comes from the large differences in
hν < 13.6 eV photoionization cross sections. (The difference in σpe between Mg
and Si in Figure 13.2 accounts for the factor of ∼ 50 difference in photoionization
rates for Mg and Si.) It is curious that the two elements with the lowest ionization
potentials – Na and K – have relatively low photoionization rates.

Note that of the elements in Table 13.1, two – Ca and Ti – have two ion states
with ionization potentials I < IH. These elements can therefore be found in three
ionization states in H I regions: Ca I, Ca II, and Ca III; and Ti I, Ti II, and Ti III.
However, ionization of Ti II→Ti III can only be accomplished by the very few pho-
tons in the range 13.576-13.598eV, so the rate is very small (see Table 13.1).
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Figure 4.1: The photoionization cross section for hydrogen (H0 ), hydrogenic 
helium (He+), and neutral helium (He 0 ). 

The inverse process to photoionization is radiative recombination: 

(4.6) 

When hydrogen recombines, the electron doesn't necessary recombine into the 
n = l ground state. If a free electron with kinetic energy E triggers a radiative 
recombination, then the emitted photon will have an energy hv = E + IH/n 2 , 

where n = l for the ground state, n = 2 for the 2s and 2p levels, n = 3 for the 3s, 
3p, and 3d levels, and so forth. Radiative recombination directly to the ground 
state will always produce a photon that has hv IH, and thus is capable of 
photoionizing a hydrogen atom of any energy state. 

The volumetric rate of radiative recombination can be written as 

(4.7) 

where a is the radiative recombination rate first introduced in section 1.2. The 
rate a has units of cm 3 s- 1 . For recombination to any particular state of the 

Photoionization cross section for hydrogen(H0), 
hydrogenic helium (He+), and neutral helium (He0).
[Fig. 4.1 in Ryden]

[Fig. 13.2 in Draine]

K-shell absorption edge
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Figure 13.1 Photoionization cross sections for H, H2, He, C, and O. The dashed line
in (a) shows the power-law approximation (13.3) for H.

than one available state for the resulting ion – for example, in the case of pho-
toionization from the O I ground state 3P2 (1s22s22p4), the electron being photoe-
jected could come from the 1s, 2s or 2p levels. If a 2p electron is removed, and
13.6 eV < hν < 16.9 eV, the resulting O II ion will be in the 1s22s22p3 4S o

3/2

state, but if hν > 16.9 eV, the ion could also be left in the 1s22s22p3 2D o
3/2,5/2

state. The availability of multiple channels leads to complex structure in the pho-
toionization cross section. For ionization by continuum radiation, this detailed
structure can be smoothed and averaged over. Convenient analytic fits to the contri-
bution of individual shells to photoionization cross sections are given by Verner &
Yakovlev (1995) and Verner et al. (1996). Figure 13.1b shows the photoionization
cross sections for C and O, each of which has a conspicuous absorption edge at
the minimum photon energy for photoionization from the K shell (“K shell” ≡ 1s
shell). At high energies (i.e., above the K-edge), the 1s2 electrons provide a pho-
toionization cross section that is ∼ 104 times larger than the cross section for an H
atom. Thus at high energies, the heavy elements can dominate the total photoion-
ization cross section, even though the total abundance of heavy elements is only
∼10−3 that of H. Figure 13.2 shows photoionization cross sections for O, Ne, Mg,
and Si.

[Fig. 13.1 in Draine]

• For atoms with three or more electrons, the energy 
dependence of the photoionization cross section is 
considerably more complicated because there is 
more than one available channel.
- Convenient analytic fits to the contribution of 

individual shells to photoionization cross section are 
given by Verner & Yakovlev (1995) and Verner et al. 
(1996). https://www.pa.uky.edu/~verner/photo.html

※ Ionization threshold for H2 = 15.4 eV

https://www.pa.uky.edu/~verner/photo.html


• Photoionization rate (the probability of photoionization per unit time, for a single atom 
that undergoes photoionization)

- Since the photoionization cross section decreases fairly steeply with increasing photon 
energy, most photoionization occurs by photons with energies just above the 
ionization energy (13.6 eV for hydrogen), in a range of the spectrum where the 
background is produced mainly by hot stars.

- The volumetric photoionization rate, for instance, for hydrogen is

where       and          are the number density of proton (ionized hydrogen) and the number 
of neutral hydrogen atom, respectively.
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Radiative Recombination (RR)
• The cross section for the radiative recombination can be obtained using the 

photoionization cross section and the Milne relation, which is derived from the 
principle of detailed balance.

• Consider an ion with its electron in some configuration that we will refer to as the 
“core”. In a low-density plasma, free electrons can undergo transitions to bound 
states by emission of a photon. The electron is captured into some specific state    

  that will initially unoccupied.

- The RR rate coefficient for electron capture directly to level , with emission of a 
photon of energy                        (where        is the bounding energy required for 
ionization from level   and    is the captured electron energy), is

- The volumetric rate of RR, for instance for hydrogen, can be written as

n`
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Notice that an electron of any energy can trigger 
a collisional de-excitation as well as RR.

X+(core) + e� ! X(core + n`) + h⌫
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• Properties of radiative recombination
- In general,   is a decreasing function of  , although it depends weakly on 

temperature. Therefore, it’s easier to recombine with a slow electron than with a 
fast electron.

- In general,                        summed over all applicable values of  , is a decreasing 
function of , implying that it’s easier to recombine to a low energy level than to a 
high energy level.
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• Recombination rate coefficient 
• Maxwellian distribution

• Then, the radiative recombination rate coefficient,  is given by

α

α(T )

f̄ (v)d3v = ( m
2πkT )

3/2

exp (−
mv2

2kT ) d3v

f (E )dE =
2

π ( E
kT )

1/2

exp (−
E
kT ) dE

kT
Here, E =

1
2

mυ2 (the energy per particle)

⟨σrecυ⟩ = ( 2
me )

1/2

⟨σrecE1/2⟩

= ( 8kT
πme )

1/2

∫
∞

0
σrec

E
kT

exp (−
E
kT ) d(E /kT )

⇐ σrec ≈ σrec,0 ( E
IH )

−1

for hydrogen∴ α(T ) = ⟨σrecυ⟩ ≈ ( 8
πmekT )

1/2

σrec,0IH ∝ T−1/2

Notice that Ryden calls 𝛼 the “recombination rate in her book.”
But, the recombination rate is .ne ⟨σrecυ⟩



• Photoionization Equilibrium

• Recombination to the ground state - On The Spot approximation
- If the recombination is to the ground state of hydrogen ( ), the energy of the emitted 

photon is                      . Thus, the emitted photon is guaranteed to have an energy of at least 
13.6 eV, and will be capable of photoionizing any neutral hydrogen atom that it encounters. 
Thus, in regions that are optically thick to UV light at photon energies just above  , the 
emitted photon will be rapidly destroyed in photoionizing a nearby hydrogen atom.
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Case A and B (Radiative Recombination of Hydrogen)
• On-the-spot (OTS) approximation:

- In optically thick regions, it is assumed that every photon produced by radiative 
recombination to the ground state of hydrogen is immediately, then and there, destroyed in 
photoionizing other hydrogen atom.

- In the on-the-spot approximation, recombination to the ground state has no net effect on 
the ionization state of the hydrogen gas. 

• Baker & Menzel (1938) proposed two limiting cases:
- Case A: Optically thin to ionizing radiation, so that every ionizing photon emitted during the 

recombination process escapes. For this case, we sum the radiative capture rate coefficient  
  over all levels  .

- Case B: Optically thick to radiation just above  , so that ionizing photons 
emitted during recombination are immediately reabsorbed, creating another ion and free 
electron by photoionization. In this case, the recombinations directly to    do not reduce 
the ionization of the gas: only recombinations to    act to reduce the ionization.

- Case B in photoionized gas: Photoionized nebulae around OB stars (H II regions) usually 
have large enough densities of neutral H. For this situation, case B is an excellent 
approximation.

- Case A in collisionally ionized gas: Regions where the hydrogen is collisional ionized are 
typically very hot (T > 106 K) and contain a very small density of neutral hydrogen. For these 
shock-heated regions, case A is an excellent approximation.

↵n`

<latexit sha1_base64="B8/kmEvYkjs32j0EqBXktcHWers="></latexit>

n`

<latexit sha1_base64="pcQp8TkmEHAtPEAeGZjP7U22BI8="></latexit>

IH = 13.60 eV

<latexit sha1_base64="/qYUMror51xSRS+PSJagyPvEjcw="></latexit>

n = 1

<latexit sha1_base64="pJXIdH98WNWJtqCv+HVzQeGMbpA="></latexit>

n � 2

<latexit sha1_base64="th2SqRq/GZMoH9oukN3hfW5hWo0="></latexit>

11



• Radiative recombination rate coefficients:
- In Case A, the relevant radiative recombination rate coefficient is 

found by summing over all energy levels of the hydrogen atom:

- In Case B, the relevant radiative recombination rate coefficient is 
found by summing over all energy levels other than the ground 
state:

- The percentage of radiative recombinations that go directly to the 
ground state is 30% at T = 3000 K but increases to 46% at T = 
30,000 K. Thus, the distinction between Case A and Case B 
becomes increasingly important at higher temperatures.
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H II Regions and Strömgren Spheres
• Strömgren Sphere:

- Following Strömgren (1939), we consider the simple idealized problem of a fully 
ionized, spherical region of uniform medium plus a central source of ionizing photons.

- The ionization is assumed to be maintained by absorption of the ionizing photons 
radiated by a central hot star. The central source produces ionizing photons, with 
energy                         at a constant rate        [photons s-1].

- At a distance    from the central star, the balance equation between ionization and 
recombination balance is

From the RT equation,

Integrating the balance equation over the whole volume:

r
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The square bracket term in the left side is

Then, we obtain

- Assuming that the ionization is nearly complete (                      ) within     , and 
nearly zero (                            ) outside      , we obtain the size of the ionized region.

The physical meaning of this is that the total number of ionizing photons emitted 
by the star balances the total number of recombinations within the ionized 
volume   , often called the Strömgren sphere. It’s radius      is called the 
Strömgren radius.
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• Opacity as a function of distance
- We note that the medium is fully ionized within the Strömgren sphere. Thus, within the 

Strömgren sphere, the opacity is nearly zero. The opacity suddenly increases at the 
boundary of the ionized region.

• Mean free path
- The mean free path of an ionizing photon is

This tells us that the transition from ionized gas to neutral gas at the boundary of the H 
II region will occur over a distance that is very small compared to the Strömgren 
radius.
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• Time Scales:
- Ionization time scale: The Strömgren sphere analysis assumes a steady state 

solution. What is the time scale for approach to the steady state? Suppose that we 
start with a neutral region, and the ionizing source is suddenly turned on.

- Recombination time scale: Suppose that the ionizing source suddenly turns off. The 
ionized region will recombine on the recombination time scale:

Therefore, the recombination time scale is identical to the ionization time scale!
The ionization/recombination time scale is shorter than the main-sequence lifetime    
> 5 Myr for a massive star.
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Ionization of Helium
• Now, what about helium?

- Out of every 1000 atoms, there are on average 912 hydrogen atoms, 87 helium 
atoms and one heavy atom.
‣ Looking at the photoionization cross sections for H0, He0, He+1, we see that above the 24.6 

eV threshold for ionizing He0, the photoionization cross section for helium is larger than 
that for hydrogen.

‣ Thus, the photoionization cross section for He is ~ 10 times that of H, while the number 
density of He is ~ 0.1 times that of H.

‣ This implies that if we suddenly turn on a hot star, the initial photons in the range 
  will be about as likely to photoionize a helium atom as a 

hydrogen atom.
‣ In the range of  , on the other hand, nearly all the photons go to 

ionize H; scarcer atoms (metals like O and C) account for only a tiny fraction of the 
ionizations.

24.6 eV < h⌫ < 54.4 eV
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• Radiative Recombination of Helium

Here,             is the recombination rate to the ground state  .,
and            is the recombination rate coefficient to all states except the ground state. 

Note:                      and                      .

1s2 1S0
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• Effective recombination rate coefficient for Helium
- Note that the stellar LyC photons with   are capable of photoionizing not only 

neutral helium atoms but also neutral hydrogen atoms

- The recombinations directly to the ground state    of neutral helium produce photons with 
. The recombination continuum photons are capable of photoionizing not only 

neutral helium atoms but also neutral hydrogen atoms; the fraction of these that ionize 
hydrogen is 

This fraction contributes to the recombination of He, while the remaining fraction, , photoionizes 
He again. Therefore, in an optically thick gas, the effective radiative recombination rate coefficient for  

  is

At T = 10,000 K,

h⌫ > 24.6 eV
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- This is not all. Consider now the recombination to excited levels of He0, which are followed 
by a radiative cascade down. Most of photons produced by the cascades have . 
A fraction of these photons are capable of photoionizing hydrogen. Let    be this 
fraction. However, note that this fraction is not relevant to the recombination of He, but 
contribute to the photoionization H.

h⌫ > 13.6 eV
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Figure 14.3 Radiative decay pathways for He0 (see text). Selected lines are labeled
by vacuum wavelength.

H0 or He0; the fraction y of these that ionize H is just

y≈
n(H0)σpi,H0(24.60 eV + kT )

n(H0)σpi,H0(24.60 eV + kT ) + n(He0)σpi,He0(24.60 eV + kT )

=

[
1 +

n(He0)

n(H0)

σpi,He0(24.60 eV + kT )

σpi,H0(24.60 eV + kT )

]−1

. (14.16)

For kT > 0, we have σpi,He0(24.6 eV + kT )/σpi,H0(24.6 eV + kT ) > 6.0. Thus
if n(He0) > 0.16n(H0), we will have y < 0.5.

The effective recombination rate for He+ → He0 is then

αeff(He) = αB(He) + yα1s2(He) , (14.17)

where αB is the recombination rate to all states except the ground state, and α1s2

is the recombination rate to the ground state 1s2 1S0.
Consider now the recombinations to excited states of He0. Approximately 25%

of these will be to states with total spin S = 0 – i.e., singlet states. Recombinations
to the singlet excited states of He0 (see Figure 14.3) are followed by a radiative

- See Section 14.3.2 and 15.5 of 
[Draine] for details.

- [Ryden] assumes that .z = 1
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z ⇡ 0.96 at low densities
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• How many recombinations occur for He: Suppose that we have a Strömgren sphere 
with the cosmic abundance ratio of helium to hydrogen                                . Now define:

- In the very central region, the hydrogen would be fully ionized, and the helium would 
be all singly ionized. Even the hottest O stars don’t produce a significant number of 
photons with ; hence, there will be no significant amount of doubly 
ionized He+2.

- This will result in

- The volumetric rate of the hydrogen recombination is

- The volumetric rate of He recombination is

hν > 54.5 eV
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- Comparing the two equations, we see that

- Thus, for every helium recombination, we expect about 9 hydrogen 
recombinations.
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• Remember the recombination paths, under the Case B condition:
-  : A stellar photon will ionize one H atom.

-  : For a fraction of    of the photoionization followed by the direct recombinations 
to the ground state, a stellar photon will ionize one H atom. For the remaining fraction  
of these, a stellar photon will ionize one He atom.

-  : For the photoionization followed by the recombinations to excited states, a 
stellar photon will ionize one H atom for a fraction of    of the recombination events.

• Number of ionized atoms: The number of ionized helium and hydrogen,                   
and            , within the ionized regions can be estimated by balancing recombinations 
and photoionizations:

13.6 eV < h⌫ < 24.6 eV
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- Condition for full ionization of the He in the H+ Strömgren sphere:

- Radius of the He+ zone:

- On the main sequence, a star with spectral class O7, corresponding to effective 
temperature Teff = 37,000 K, will have a critical ratio Q1/Q0 ~ 0.14.
‣ For cooler ionizing stars, the ionized helium sphere will have a radius that is 

smaller than the radius of the ionized hydrogen sphere.
‣ For stellar temperature Teff > 37,000 K, the ionized helium sphere has the same 

size as the ionized hydrogen sphere, because of the limit on the abundance. The 
photons with                      will be used up to ionize H.
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Figure 15.5 Q1/Q0 = ratio of rate of emission of hν > 24.6 eV photons to rate of
emission of hν > 13.6 eV photons, as a function of Teff , for luminosity classes V, III,
and I (see Table 15.1). Q1/Q0 >∼ 0.15 is required for He to be ionized throughout the
H II region, corresponding to Teff

>∼ 37000K.

N(He+)

N(H+)
≈ 0.68(Q1/Q0)

1− 0.17(Q1/Q0)
. (15.35)

Full ionization of the He is achieved when N(He+)/N(H+) = nHe/nH = 0.096,
which is attained for Q1/Q0 ≈ 0.15.

For N(He+)/N(H+) < nH/nHe, the radius of the He+ zone is smaller than the
H+ zone:

R(He+)

R(H+)
≈

[
(nH/nHe)(1− y)αB(H)(Q1/Q0)

αB(He) + yα1S(He)− (1− y)(1− z)(Q1/Q0)αB(He)

]1/3
.

(15.36)

Ions that require hν > 24.6 eV for their formation will be present only in the He+
zone. A list of these ions is given in Table 15.2.

Table 15.1 [Draine] Figure 15.5 [Draine]
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Table 15.1 Radiative Properties of Massive Starsa.

SpTp M/M! Teff(K) log10(Q0/ s
−1) b Q1/Q

c
0 log10(L/L!)

d

O3V 58.0 44850 49.64 0.251 5.84
O4V 46.9 42860 49.44 0.224 5.67
O5V 38.1 40860 49.22 0.209 5.49

O5.5V 34.4 39870 49.10 0.204 5.41
O6V 31.0 38870 48.99 0.186 5.32

O6.5V 38.0 37870 48.88 0.162 5.23
O7V 25.3 36870 48.75 0.135 5.14

O7.5V 22.9 35870 48.61 0.107 5.05
O8V 20.8 34880 48.44 0.072 4.96

O8.5V 18.8 33880 48.27 0.0347 4.86
O9V 17.1 32830 48.06 0.0145 4.77

O9.5V 15.6 31880 47.88 0.0083 4.68
O3III 56.0 44540 49.77 0.234 5.96
O4III 47.4 42420 49.64 0.204 5.85
O5III 40.4 40310 49.48 0.186 5.73

O5.5III 37.4 39250 49.40 0.170 5.67
O6III 34.5 38190 49.32 0.158 5.61

O6.5III 32.0 37130 49.23 0.141 5.54
O7III 29.6 36080 49.13 0.129 5.48

O7.5III 27.5 35020 49.01 0.105 5.42
O8III 25.5 33960 48.88 0.072 5.35

O8.5III 23.7 32900 48.75 0.0417 5.28
O9III 22.0 31850 48.65 0.0257 5.21

O9.5III 20.6 30790 48.42 0.0129 5.15
O3I 67.5 42230 49.78 0.204 5.99
O4I 58.5 40420 49.70 0.182 5.93
O5I 50.7 38610 49.62 0.158 5.87

O5.5I 47.3 37710 49.58 0.151 5.84
O6I 44.1 36800 49.52 0.141 5.81

O6.5I 41.2 35900 49.46 0.132 5.78
O7I 38.4 34990 49.41 0.115 5.75

O7.5I 36.0 34080 49.31 0.100 5.72
O8I 33.7 33180 49.25 0.079 5.68

O8.5I 31.5 32270 49.19 0.065 5.65
O9I 29.6 31370 49.11 0.0363 5.61

O9.5I 27.8 30460 49.00 0.0224 5.57
a After Martins et al. (2005).
b Q0 = rate of emission of hν > 13.6 eV photons.
c Q1 = rate of emission of hν > 24.6 eV photons.
d L = total electromagnetic luminosity.

28.0
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Q1/Q0 vs. stellar temperature

Q1/Q0 > 0.15 is required for He to be ionized throughout 
the H II region, corresponding to Teff > 37,000 K.
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32 Photoionization Equilibrium 
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If we suppose that the He+ zone is much smaller than the H+ zone, then through-
out most of the H+ zone the electrons come only from ionization of H, but in 
the He+ zone, the electrons come from ionization of both H and He. With this 
simplification, 

(2.28) 
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A plot of r 2Jr1, calculated according to this equation for n (He)/ n (H) = 0.15 and 
T = 7,500 K, is shown in Figure 2.5, and it can be seen that, for T* ::'.. 40,000 K, the He+ 
and H+ zones are coincident, while at significantly lower temperatures, the He+ zone 
is much smaller. The details of the curve, including the precise effective temperature 
at which r2/ r1 = I, are not significant, because of the simplifications made, but the 
general trends it indicates are correct. For a smaller relative helium abundance, for 
instance n (He)/ n (H) = 0.10 instead of 0.15, r2/ r1 is larger by approximately 16% at 
corresponding values of T*' up to r2/r 1, = 1. 

2.5 Photoionization of He+ to He++ 

Although ordinary O stars of Population I do not radiate any appreciable number of 
photons with hv > 54.4 eV (hence galactic H II regions do not have a He++ zone), the 
situation is quite different for the central stars of planetary nebulae. Many of these stars 
are much hotter than even the hottest 03 stars, and do radiate high-energy photons 

Figure 2.5 [Osterbrock]Figure 2.4 [Osterbrock]

Relative radius of He+ zone as a 
function of effective temperature of 
exciting star.Ionization structure of two homogeneous H + He 

models for H II regions.
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• Metals: Ions that requires E > 24.6 eV for their formation will present only in the He+ zone.
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Table 15.2 Abundant Ions in H II Regionsa

H II and He I zoneb H II and He II zonec

Element Ion hν (eV)d Ion hν (eV)d

H H II 13.60 H II 13.60
He He I 0 He II 24.59
C C II 11.26 C III e 24.38

C IV 47.88
N N II 14.53 N III 29.60

N IV 47.45
O O II 13.62 O III 35.12
Ne Ne II 21.56 Ne III 40.96
Na (Na II)f 5.14 (Na II)f 5.14

Na III 47.29
Mg Mg II 7.65 (Mg III)f 15.04

(Mg III)f 15.04
Al Al III 18.83 (Al IV)f 28.45
Si Si III 16.35 Si IV 33.49

(Si V)f 45.14
S S II 10.36 S III 23.33

S III 23.33 S IV 34.83
Ar Ar II 15.76 Ar III 27.63

Ar IV 40.74
Ca Ca III 11.87 Ca IV 50.91
Fe Fe III 16.16 Fe IV 30.65
Ni Ni III 18.17 Ni IV 35.17

a Limited to elements X with NX/NH > 10−6.
b Ions that can be created by radiation with 13.60 < hν < 24.59 eV.
c Ions that can be created by radiation with 24.59 < hν < 54.42 eV.
d Photon energy required to create ion.
e Ionization potential is just below 24.59 eV.
f Closed shell, with no excited states below 13.6 eV.

15.6 Planetary Nebulae

Planetary nebulae are a special class of H II regions, where the ionized gas is a
dense stellar wind that is ionized when the central star evolves quickly from being
a cool red giant to an extremely hot “planetary nebula nucleus.”

There are two ways in which planetary nebulae can differ from classical H II
regions produced by O or B0 stars.

• First, the dense gas being ionized is limited to the outflowing wind. A typical
planetary nebula precursor can have a mass loss rate Ṁw ≈ 10−4M"/ yr for
∼ 2000 yr, with a wind velocity vw ≈ 15 km s−1. A spherically symmetric
steady outflow with these properties would have a r−2 density profile, but
in fact the density profiles in planetary nebulae are much more complicated,
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9.2.2 Nebular Structure with Heavy Elements 

As mentioned above, it is the hydrogen and helium which dominate the opac-
ity and consequently which control the local ionizing field in the nebula. Since 
the ionization state of the heavy elements is determined by the local ionizing 
radiation field, then this must also be closely correlated to the local ionization 
state of hydrogen and helium. As a consequence, we can expect that those 
elements which have ionization potentials above 4 Rydberg are located in the 
He III zone, those with ionization potentials between 1.8 and 4 Rydberg are 
to be found in the He II zone, those with ionization potentials between 1 and 
1.8 Rydberg occur in the H II/He I zone, and finally, neutral species and ions 
with ionization potentials below 1.0 Rydbergs are co-extensive with atomic 
hydrogen. This predicts that the dominant ionization zones of the nebula for 
the most abundant elements and important coolants are as follows: 

HI, HeI 
HII, HeI 
HIl, Hell 
H II, He m 

C II, N I, 0 I, Ne I, S II, 

CIl, (Cm), Nu, Ou, Nell, SIl, (Sm), 
Cm, (CIV), NIII, o III, Nem, Sm, (SIV, Sv), 
CIV, NIV, OIV, NeIll, Sv, and higher, 

where non dominant ionization stages are indicated in parentheses. 
Within each of these zones, but especially in the first three, the ionization 

structure is appreciably modified by the charge-exchange reactions: 

A (Hl)+ + HO AH + H+ + I1E, 

and 
A (i+l)+ + Heo N+ + He+ + I1E. 

These, for instance, lock the ionization ratio 0 Il/O I so that it varies very 
much as the H II/H I ratio, and serve to lower the 0 Ill/O U ratio in the 
intermediate ionization zones. 

The distinction between the atomic, A-band ionized and B-band ionized 
regions can be clearly seen in Fig. 9.4 which is a full MAPPINGS III pho-
toionization model for an isochoric (constant density) region excited by a star 
with an effective temperature of 3.5 x 104 K. 

9.2.3 Nebular Equilibrium Temperature 

In an H II region, the local heat input is determined by the local rate of 
photoionizations of hydrogen and helium and the mean energy of the liberated 
photoelectrons, which is a function of the intensity and shape of the local 
ionizing radiation field: E(U, Teff, T). At low densities, the local energy loss rate 
is given by the cooling function appropriate to the local electron temperature, 
ionization state and the heavy element abundance set; A(Te, Z). If, locally, 
we also have photoionization equilibrium, then the photoionization rate is 

[Draine]

[Page 238, Dopita]
The dominant ionization zones of the nebula for the most 
abundant elements and important coolants are as follows:

[Figure 5.3, Dyson]
Ionization stratification in a nebula.
(i) Low stellar temperature, (ii) High stellar temperature
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[Figure 9.4, Dopita, Astrophysics of the Diffuse Universe]

The temperature, density, and ionization structure of a 
model H II region illuminated by a star with an effective 
temperature of 53,000 K. Note how the ionization 
structure in the heavy elements follows that of hydrogen 
and helium.
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Figure 4. Top: brightness profiles of Hα, He i λ5867, [N ii] λ6583, and [S ii] λ6716 lines (in units of erg cm−2 s−1 sr−1) for various central ionization sources. Bottom:
brightness profiles of line ratios He i/Hα, [N ii]/Hα, and [S ii]/Hα. Elemental abundances for WNM and hydrogen density of nH = 10 cm−3 were assumed for the
photoionization models. The curves from the outermost to innermost correspond to O3V to B1V stars progressively. Solid and dashed lines were alternatively used
for clarification.

spectral type of the central ionizing source. Hydrogen num-
ber density was varied as 0.1, 1, 10, and 100 cm−3. Figure 4
shows brightness profiles of line intensities (Hα, He i, [N ii],
and [S ii]) and intensity ratios (He i/Hα, [N ii]/Hα, and
[S ii]/Hα), projected onto the sky, for various spectral types
of ionizing source. In the figure, the hydrogen density and el-
emental abundances were assumed to be 10 cm−3 and WNM,
respectively. The curves from the outermost to innermost cor-
respond to later-type stars progressively. The outermost curve,
corresponding to the largest H ii region, is obtained from an
O3V star, and the innermost curve corresponds to a B1V star.

Emissivities of the low ionization lines [S ii] and [N ii]
increase suddenly near the ionization boundary of the H ii
region, for most of ionizing stellar types except B1V, and
then drop, whereas the Hα and He i recombination lines (RLs)
decrease continuously. In other words, both [N ii] and [S ii]
arise primarily in the transition region between the ionized
and partially ionized zones of the H ii region (e.g., Evans
& Dopita 1985). Therefore, the line ratios of [S ii]/Hα and
[N ii]/Hα increase rapidly at the ionization boundary. Such a
rapid increase in the line ratios at the ionization boundary is
shown in the Orion Nebula (Pogge et al. 1992; Sánchez et al.
2007; Mesa-Delgado et al. 2011). The giant H ii region NGC 595
in M33 also shows an increase in the line ratios at the ionization
boundary (Relaño et al. 2010).

The line ratio [N ii]/Hα shows a less rapid increase at the
boundaries than [S ii]/Hα. S+ is much more confined to the
outer regions of the Strömgren sphere than is N+ (Mathis 2000).
The reason is that the change in the predominant ionization
state between the central and outer H ii regions is smaller for
N because of its higher ionization potential for N+ → N2+: the
ionization potentials for N+ → N2+ and S+ → S2+ are 29.6 eV
and 23.3 eV, respectively, and therefore S exists in the doubly
ionized state out to larger radius than N.

For the hottest (O3V and O4V) stars, which emit a sufficient
number of photons at higher energies than the He0 ionization
potential (24.6 eV), photons with E < 24.6 eV run out slightly
faster than those with E > 24.6 eV at the ionization boundary.
This resulted in a less rapid decline of the He i line intensity than
Hα and a weak spike in the line ratio He i/Hα at the ionization
boundary, as shown in Figure 4. However, for later stars, He
becomes neutral at the inner zone relative to H, and thereby the
He i/Hα line declines rapidly at a much smaller radius than the
Strömgren radius.

As already noted, the surface brightness of the dust-scattered
halo depends on the total luminosity of the source only, for
a fixed dust configuration. Therefore, the intensity ratio of a
pair of emission lines in the dust-scattered halo is expected
to be determined by the ratio of total luminosities of the
lines, rather than by the ratio of surface brightnesses at the
main part of the H ii region, if their wavelengths are close
enough to each other. If their wavelengths are different to
the extent that dust-extinction cross-sections and albedos are
significantly different, their ratio in the dust-scattered halo
would also differ from the luminosity ratio. In the brightness
profiles, the highest [N ii] and [S ii] intensities occur in relatively
small regions at the ionization boundary. However, the transition
zones can contribute significantly to total luminosities because
the luminosities are defined by integrals 4π

∫
εr2dr and the

highest emissivities of [N ii] and [S ii] are found at the largest
radii. Therefore, the line ratios of [S ii]/Hα and [N ii]/Hα at
the dust-scattered halo should be larger than the values at the
central part of the H ii region, but lower than the values at the
boundary as a result of dust scattering.

Figure 5 shows the dust-scattered halo profiles of emission
lines originating from H ii regions surrounding O4V and O9V
stars, in the homogeneous dusty medium with hydrogen density
of 10 cm−3 and the WNM abundances. The top panels of the
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boundary, as shown in Figure 4. However, for later stars, He
becomes neutral at the inner zone relative to H, and thereby the
He i/Hα line declines rapidly at a much smaller radius than the
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As already noted, the surface brightness of the dust-scattered
halo depends on the total luminosity of the source only, for
a fixed dust configuration. Therefore, the intensity ratio of a
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to be determined by the ratio of total luminosities of the
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Recombination lines
• Recombination Radiation = Recombination Lines + Recombination Continuum
• Diagnostics using the recombination lines

- Temperature: The hydrogen recombination spectrum depends on temperature T, 
and therefore measured line ratios can be used to estimate T.

- Reddening: Measurements of the relative intensities of recombination lines with 
different wavelengths can be used to estimate the reddening by dust between us and 
the emitting region.

• Case A Recombination Spectrum
- In the optically thin limit, the power radiated per volume in the transition    is n` ! n0`0
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Note a typo in Eq (14.7) of Draine

is the Case A probability that an atom in level  will follow a decay path 
that takes it through level . The probabilities can be readily calculated 
from the known transition probabilities   using straightforward 
branching probability arguments.

n00`00
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• Case B Recombination Spectrum
- The resonant absorption cross-sections for Lyɑ, Lyβ,… are much larger than 

photoionization cross sections.

- Any nebula that is optically thick to Lyman continuum (E > 13.6 eV) will be very 
optical thick to all of the Lyman series ( ) transitions.

- Note that the cross sections for resonant absorption in the   transitions 
becomes equal to the photoionization cross section as  .

n → 1

1 → n
n → ∞
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Table 14.4 Rate Coefficientsa q for 2s → 2p transitions in H due to electron and
proton collisions at T = 104 K.

qp,2s→22P o
1/2

2.51× 10−4 cm3 s−1

qp,2s→22P o
3/2

2.23× 10−4 cm3 s−1

qe,2s→22P o
1/2

0.22× 10−4 cm3 s−1

qe,2s→22P o
3/2

0.35× 10−4 cm3 s−1

qp,2s→2p + qe,2s→2p 5.31× 10−4 cm3 s−1

a From Osterbrock (1974); Osterbrock & Ferland (2006).

jν =
nenpαeff2s

(1 + ne/ne,crit)

hν

4π
P (2s)
ν for 0 < ν < ν(Lyα) . (14.12)

Therefore, in bright H II regions (e.g., the Orion Nebula), the two-photon contin-
uum is suppressed by collisional processes: the fraction of radiative recombinations
that produce two-photon emission is a decreasing function of density ne. Thus,
measurement of the ratio of two-photon continuum to Hα, Hβ, or other recombi-
nation line from levels n ≥ 3 allows one to determine the electron density in an
ionized nebula.

An atom entering the 2p level (whether 2P o
1/2 or 2P o

3/2) has a radiative lifetime
of only 1/A2p→1s = 1.59 ns. At interstellar densities, the probability of collisional
depopulation of the 2p state is negligible.

The Lyman α optical depth at line center can be written

τ0(Lyα) = 8.02× 104
(
15 km s−1

b

)
τ(Ly cont) , (14.13)

where τ(Ly cont) = 6.30× 10−18 cm2N(H) is the optical depth due to photoion-
ization just above the H ionization edge. Case B conditions presume that the Lyman
continuum optical depth τ(Ly cont) > 1, so it is apparent that the Lyman α op-
tical depth is very large, τ(Lyα) >∼ 105. The Lyman α photons will therefore be
scattered (i.e., reabsorbed and reemitted in a different direction) many times. The
scattering is coherent: the frequency is essentially unchanged in the center-of-mass
frame of the incident photon and the H atom doing the scattering. However, be-
cause the H atoms have velocities ∼ 10 km s−1, each scattered photon undergoes a
random walk in frequency, which tends to take the photon away from line center
and into the wings of the profile, where the optical depth is smaller. The combined
effects of spatial diffusion and diffusion in frequency space will eventually allow
the photon to escape the nebula, if it is not first absorbed by some absorber other
than H — for example, dust — and if collisional deexcitation does not occur dur-
ing the ∼ 1.59 ns intervals between absorption and reemission. This is discussed
further in §15.7.
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continuum optical depth τ(Ly cont) > 1, so it is apparent that the Lyman α op-
tical depth is very large, τ(Lyα) >∼ 105. The Lyman α photons will therefore be
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frame of the incident photon and the H atom doing the scattering. However, be-
cause the H atoms have velocities ∼ 10 km s−1, each scattered photon undergoes a
random walk in frequency, which tends to take the photon away from line center
and into the wings of the profile, where the optical depth is smaller. The combined
effects of spatial diffusion and diffusion in frequency space will eventually allow
the photon to escape the nebula, if it is not first absorbed by some absorber other
than H — for example, dust — and if collisional deexcitation does not occur dur-
ing the ∼ 1.59 ns intervals between absorption and reemission. This is discussed
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⌧reson.(1 ! n) � ⌧reson.(1 ! 1) = ⌧photo.
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- On-the-spot approximation:
‣ Therefore, under Case B condition, Lyman series photons will (immediately) be 

resonantly absorbed by other hydrogen atoms in the ground state. They will travel 
only a short distance before being reabsorbed.

‣ It is helpful to think about the radiative decay and resonant reabsorption as through the 
photon were reabsorbed by the same atom as emitted.

‣ Consider a hydrogen atom in level                                             . Then, Lyβ, Lyɣ,… will 
immediately be resonantly absorbed, returning back to the initial state . After 
returning to the initial state, the atom will again decay one of its allowed decay paths (for 
instance,  and ). The atom may emit another Lyman series photon, 
which will again be absorbed.

‣ This process will repeat until eventually “non-Lyman transitions” + a “Lyɑ transition” 
(or “non-Lyman transitions” + 2-photon transition) occur.
For instance,
             Hɑ(3-2) + two-photons for n = 3
             Pɑ(4-3) + Hɑ(3-2) + Lyɑ(2-1) or Hβ(4-2) + two-photons  for n = 4.
Two-photon continuum emission occur, if the repeated process eventually populates 2s 
state, instead of 2p.

‣ Under this condition, no Lyman series lines (except for Lyɑ) will be produced.

n � 3
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3 ! 2 ! 1

<latexit sha1_base64="YIwEYQ1nbw4VBAqDnOckPzs8zkI="></latexit>

4 ! 2 ! 1

<latexit sha1_base64="wK3SNV2OanQZihN58tSmZdor4Fk="></latexit>
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n � 3 (for instance, n = 3)

<latexit sha1_base64="tUCb9U5bZgv6ERx2QcauCGrvYoY="></latexit>



Case B

example 1

(1) Lyman Continuum Photons

(2) Lyman Series Line Photons

1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

e�

<latexit sha1_base64="udJ7EXXBOIoyV4J7TMTH2wW7F64="></latexit>

<latexit sha1_base64="7yflqKQcz2zFTLrJ0kX0RxZEktA="></latexit>

hνLyC = E + IH

1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

e�

<latexit sha1_base64="udJ7EXXBOIoyV4J7TMTH2wW7F64="></latexit>

<latexit sha1_base64="RpnVkQtuOPduCDoypKObaWDIOmg="></latexit>

hνLyC

1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

E + E3

<latexit sha1_base64="vkRf6JjTmE00FNXv7C8t/n53Hrc="></latexit>

e�

<latexit sha1_base64="udJ7EXXBOIoyV4J7TMTH2wW7F64="></latexit>

<latexit sha1_base64="VD5SKg240CB3S0NtaxecfMaGZiI="></latexit>

Hα

<latexit sha1_base64="HlBPP1eEoJr3kVOn0LDBWVKdmQY="></latexit>

Lyα
1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

E + E3

<latexit sha1_base64="vkRf6JjTmE00FNXv7C8t/n53Hrc="></latexit>

e�

<latexit sha1_base64="udJ7EXXBOIoyV4J7TMTH2wW7F64="></latexit>

<latexit sha1_base64="2f2tHwCmmvPxGDh5BXsn7oIianY="></latexit>

Lyβ

Recombination to n = 1 Absorption of emitted LyC photons 
by other hydrogen atoms

Emission of higher series lines 
(Balmer, etc) + Ly  and 2-photonsα

Emission of Lyn ( ) photons 
(Ly , Ly , )

n ≥ 2
β γ ⋯

Absorption of Ly  photons 
by other hydrogen atoms

β

example 2

Resonance

Fluorescence

<latexit sha1_base64="9dS6jKDnZot8tThj4boRYO7e3HA="></latexit> p 3→
1

<latexit sha1_base64="opo8ua7AsiQt/6IJInlUSCvn3Sw="></latexit>

p3→2

1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

<latexit sha1_base64="2f2tHwCmmvPxGDh5BXsn7oIianY="></latexit>

Lyβ
1s

3p

1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

<latexit sha1_base64="2f2tHwCmmvPxGDh5BXsn7oIianY="></latexit>

Lyβ
1s

3p

1s

2p

3s

1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

<latexit sha1_base64="VD5SKg240CB3S0NtaxecfMaGZiI="></latexit>

Hα

2-photons

3p

1s

2s
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Emission of Lyn ( ) photons 
(Ly , Ly , )

n ≥ 2
β γ ⋯

Absorption of Ly  photons 
by other hydrogen atoms

γ

example 3

1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

e�

<latexit sha1_base64="udJ7EXXBOIoyV4J7TMTH2wW7F64="></latexit>

<latexit sha1_base64="4URPgoPgrk6YI1R9Nk+xhkgwI9o="></latexit>

Lyγ

<latexit sha1_base64="BDb3ECSgX/e7d96swMpW2HyW1ks="></latexit>

E + E4

1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

1s

4p

<latexit sha1_base64="4URPgoPgrk6YI1R9Nk+xhkgwI9o="></latexit>

Lyγ

Resonance

1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

1s

4p

<latexit sha1_base64="4URPgoPgrk6YI1R9Nk+xhkgwI9o="></latexit>

Lyγ

Fluorescence

1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

<latexit sha1_base64="VD5SKg240CB3S0NtaxecfMaGZiI="></latexit>

Hα

3s

1s

2p

4p

<latexit sha1_base64="HlBPP1eEoJr3kVOn0LDBWVKdmQY="></latexit>

Lyα

<latexit sha1_base64="Cc6xucOg1JrekdpGljzxDT9bH9Y="></latexit>

Paα

<latexit sha1_base64="JoK0YTYUTQ6HtPDmyktl4rzj/lQ="></latexit>

p4→2

<latexit sha1_base64="UUP+AQXndPUP0yzavgjP8z0yRdQ="></latexit>p
4→

3

<latexit sha1_base64="o/bLvKN1APv7TPifLy9IIXN41ys="></latexit> p 4→
1

Fluorescence

1

<latexit sha1_base64="csulRpAw0cMLlfXFLDsgxRL4wUU="></latexit>

2

<latexit sha1_base64="16/pCFfZ8PqcgAZGqCu4FP0hwug="></latexit>

3

<latexit sha1_base64="VKDOXul1anEuRFE6gOYh9/fwhdM="></latexit>

4

<latexit sha1_base64="DeaDriWWFXbHFJMV8rXfGhWb2pk="></latexit>

5

<latexit sha1_base64="EFyq9AO026Xqe1dgwOHvrClXKK4="></latexit>

1s

2s

4p

<latexit sha1_base64="4uM+ZvCbgGGapxEdKDlaS95siXA="></latexit>

Hβ

2-photons
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- Balmer lines:
‣ Under Case B condition, the rate coefficients for recombinations that result in emission of 

Hɑ, Hβ can be approximated by

‣ Emissivities of Balmer lines:
Using the statistical balance for the level population, we can obtain the emissivity. (Note 
that, in the case of hydrogen and helium, the population caused by collisional 
excitation is negligible.)

‣ Balmer Decrement : The ratio between Balmer lines can be used to estimate the dust 
reddening.

35

↵e↵,H↵ ⇡ 1.17⇥ 10�13 T�0.942�0.031 lnT4
4

[cm3 s�1]

↵e↵,H� ⇡ 3.03⇥ 10�14 T�0.874�0.058 lnT4
4

[cm3 s�1]

<latexit sha1_base64="Tx00/R5bEAx++bfKxc7HNrTq6iM="></latexit>

4⇡jH↵ = nenp↵e↵,H↵h⌫H↵

4⇡jH� = nenp↵e↵,H�h⌫H�

<latexit sha1_base64="95OgKN5E9JrO8oxByRht4C1byvA="></latexit>

Population of   state by recombination = Depopulation by radiative decay.u
4⇡ju` = nuAu` (h⌫u`) = nenp↵e↵,u (h⌫u`)

<latexit sha1_base64="KfFCjPAsoiVC1mQbHDmwjb7qbdU="></latexit>

jH↵

jH�
=

↵e↵,H↵

↵e↵,H�

⌫H↵

⌫H�
= 2.86T�0.068+0.027 lnT4

4

<latexit sha1_base64="G6y1JLXtdsCEAYGJ1qyQiRKfe1s="></latexit>

See Table 14.2 of Draine for other lines.

�
T4 ⌘ T/104 K

�

<latexit sha1_base64="CU7DWlecZAWsbECLBROF10NGr/k="></latexit>

�H↵ = 6563Å

�H� = 4861Å

<latexit sha1_base64="aDN7y6H7Z0pmmQd+iEQfZippu8E="></latexit>

Note:



- Lyman ɑ
‣ Let             and            be the effective rate coefficients for populating the 2s and 2p states. 

By definition, it is clear that the case B radiative recombination process must eventually 
take the atom to either the 2s level or the 2p level. Thus,

‣ The fractions                                   and                                   are given in the following 
table.

‣ Then, the emissivity for Lyɑ is

36

↵e↵,2s

<latexit sha1_base64="f5rU3As5GXap0tsFLJrsofl/d/Q="></latexit>

↵e↵,2p

<latexit sha1_base64="L02wHT0gg7+Dt0vdj1aOgSklx2A="></latexit>

↵e↵,2s + ↵e↵,2p = ↵B

<latexit sha1_base64="G0epfr2clpMzlA4xtdS9vw4WVO0="></latexit>

f(2s) ⌘ ↵e↵,2s

↵B
⇡ 1

3

<latexit sha1_base64="jP7FXt0zUN0PohVRcQfm8FCMynE="></latexit>

f(2p) ⌘ ↵e↵,2p

↵B
⇡ 2

3

<latexit sha1_base64="U1l/Tk+b3KQpPDrW637yFKvX3Eg="></latexit>

T(K) f(2s) f(2p)
4000 0.285 0.715
5000 0.305 0.695

10000 0.325 0.675
20000 0.356 0.644

Tables 14.2 and 14.3 of [Draine]

4⇡jLy↵ = nenp↵e↵,2ph⌫Ly↵

⇡ 2

3
nenp↵Bh⌫Ly↵

<latexit sha1_base64="fTsK2mQGhKvEgytiYptKYE45+k0="></latexit>

How many Lyɑ, Hɑ, and Hβ photons are 
produced for each recombination event:

f(Ly↵) =
↵e↵,2p

↵B

⇡ 2

3
) f(2p)

f(H↵) =
↵e↵,H↵

↵B

= 0.452T�0.109�0.003 lnT4
4

f(H�) =
↵e↵,H�

↵B

= 0.117T�0.041�0.02 lnT4
4

<latexit sha1_base64="ZhvJRqapuLCzc29HYicVbG0OJac="></latexit>

In a high density medium (                                ), the Lyɑ 
emissivity will be increased by the collisional transition from 
2s to 2p state (see 14.2.4 of [Draine]).

ne & 1.55⇥ 104 cm�3

<latexit sha1_base64="7KGrATiVEbHzvtEVsxLmoenIKL4="></latexit>

f(Ly↵) =0.686� 0.106 log(T/104 K)

� 0.009 (T/104 K)�0.44

<latexit sha1_base64="s77loK0qckQm4u3a6mDl4hDr37E="></latexit>

A minor discrepancy between this and 
Cantalupo et al. (2008, ApJ, 672, 48):



• Radiative Recombination: Heavy Elements
- We do not concern ourselves with the possibility that photons emitted from 

recombination to the ground state could be reabsorbed locally by another atom.
- That is, we assume Case A condition when studying the recombination of heavy 

elements.

- Radiative recombination of elements such as O and Ne is accompanied by emission 
of characteristic lines - the recombining electrons are captured into excited states, 
which then emit a cascade of line radiation.

- For example, radiative recombination of O III sometimes populates an excited state, 
resulting in O II 4462.8Å and O II 4073.79Å emission (allowed lines).

- In H II regions and planetary nebulae, these recombination lines are faint compared to 
the recombination lines of H, simply because of the greatly reduced abundance of 
heavy elements, but can nevertheless be measured.

- The abundances obtained from recombination lines should, in principle, agree with 
the abundances derived from the much stronger collisionally excited lines. However, 
it is known that recombination lines give abundances that are larger than that 
estimated from collisionally excited lines. This is a puzzle that is yet to be resolved.

37



Appendix: Ionization Fraction within an H II region
• Let’s consider a shell between radii  and .

- Number of ionizing photons within the volume = Number of Recombinations within in 
the volume

• At each point,
- The rate of Case B recombinations per volume must be balanced by the rate of 

photoionization per volume:

r

<latexit sha1_base64="PsZnxVFqjND6J1bs+peccPnh1tE="></latexit>

r + dr

<latexit sha1_base64="CVBgBoQPWqgzeYG9Qzc6NXv5GK4="></latexit>
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|Q(r +�r)�Q(r)| = npne↵B�V

<latexit sha1_base64="y1q24bsO9dzVW58pCxOFguCvTPo="></latexit>

dQ

dr
= �npne↵B4⇡r

2

<latexit sha1_base64="sGZJ1Qfda+FEQ68WHiv2ZC713G4="></latexit>

Q(r) = Q0 �
Z r

0
npne↵B4⇡r

02dr0

= Q0

"
1� 3

Z r/Rs

0
x2y2dy

#

<latexit sha1_base64="D0yLtlAPmYWX48QzPB2138FBvfY="></latexit>

where Q0 ⌘ Q(r = 0)

x ⌘ np/nH = ne/nH

y ⌘ r/Rs

<latexit sha1_base64="DLpw4Nb3wVsvt6c0O0ZSB2O+Dxo="></latexit>

Rs =

✓
3

4⇡

Q0

↵B,Hn2

H

◆1/3

<latexit sha1_base64="l6RLT/9c6V+ezet+XFUPC+F9doA="></latexit>

Q(r)

4⇡r2
nH0�pi = npne↵B

<latexit sha1_base64="PqNvn3VYqYNHvM1/OJEoTl8UY1g="></latexit>



- This can be rewritten as

• Now, we can estimate the ionization degree    at each point   , by 
simultaneously solving the following equations:

x

<latexit sha1_base64="JhLqbHvfRiYGeDxEXjvTeovpDtA="></latexit>

r

<latexit sha1_base64="oKUWgrMzx+AfXu+1ZlXeDk7lmUY="></latexit>

39

Q(r)

4⇡r2
(1� x)nH�pi = x2n2

H
↵B

<latexit sha1_base64="1T5LidIYPIpZUouHSm5BKT+2gWc="></latexit>

Q(r)

Q0

(4⇡/3)R3

s↵Bn2

H

4⇡r2
(1� x)nH�pi = x2n2

H
↵B

<latexit sha1_base64="fP+b7yX2by9Dfsd6Y4zUj1rXPlo="></latexit>

x2

1� x
=

Q(r)

Q0

⌧s
3y2

<latexit sha1_base64="xbXXTcDsqxSvqeI+P8RhJgBTziQ="></latexit>

where ⌧s ⌘ nH�piRs

= 2880

✓
Q0

1049 s�1

◆1/3 ⇣ nH

102 cm�3

⌘1/3
✓

T

104 K

◆0.28 ✓ �pi

2.95⇥ 10�18 cm2

◆

<latexit sha1_base64="qBfdkP1Qzbje3qtsEaGW/NFxRBU="></latexit>

(0  y = r/Rs  1)

<latexit sha1_base64="E0EVxx4Dn1zEkgjIsAVfFG+RaKc="></latexit>

x2

1� x
=

Q(y)

Q0

⌧s
3y2

Q(y)

Q0
=


1� 3

Z y

0
x2y02dy0

�

<latexit sha1_base64="PcVevGdZWld/MpOBtK74fZU1PsQ="></latexit>



Heating and Cooling in H II Regions: Heating
• Temperature

- THII ~ 10,000 K. Observations indicate that the temperatures of H II regions are 
remarkably independent of the effective temperature of the central star.

- The temperature is not determined by the central star. It is the result of a balance 
between heating and cooling mechanisms in the ionized gas of the H II region.

- The main source of heating in an ionized nebula is photoionization.
• Photoionization Heating

- When hydrogen is photoionized from its ground state, the photoelectron that is 
emitted carries away a kinetic energy:

The mean energy of the ejected electrons, averaged over the all photoionization, is

- The average energy         of an ionizing photon must be weighted by the 
photoionization cross-section.

40

E = h⌫ � IH

<latexit sha1_base64="Mhhl9wBm7Dapfe1S8PN4NLFw92A="></latexit>

hEi = hh⌫i � IH

<latexit sha1_base64="25bqnFmn42OwvxxyTBM5cSoIVfs="></latexit>

(h⌫ = energy of incident photon)

<latexit sha1_base64="e4jnzf2bkUKIwgxTDSUrtQL1Ssw="></latexit>

hh⌫i

<latexit sha1_base64="0RXo61SckentDV6lrQcKMK+mAwo="></latexit>

hh⌫i =
R1
⌫0

(4⇡J⌫/h⌫)(h⌫)�pid⌫R1
⌫0

(4⇡J⌫/h⌫)�pid⌫

<latexit sha1_base64="3CGWA5EI/3D49kGYHbHf1O5AIn8="></latexit>



- Although stars are not blackbodies, we will use the Planck function. Because the 
energy of ionizing photons is                     , we use the high-energy Wien tail with an 
effective temperature Teff.

The integral in the denominator is the first exponential integral             . Then, we 
obtain  

41

�pi / ⌫�3

<latexit sha1_base64="2fSh1j217S84uW2m9bDArUogyeU="></latexit>

and

Here, x ⌘ h⌫/kTe↵ and x0 ⌘ h⌫0/kTe↵

<latexit sha1_base64="6bT7f6qF9/T+C/VoiO1HCdTJqos="></latexit>

E1(x0)

<latexit sha1_base64="KuLxFXewrl9FzV+nqFhZMjKrYLY="></latexit>

hh⌫i =
h
R1
⌫0

�
⌫2e�h⌫/kTeff

�
⌫ · ⌫�3d⌫

R1
⌫0

�
⌫2e�h⌫/kTeff

�
⌫�3d⌫

= kTe↵

R1
x0

e�xdx
R1
x0

e�xx�1dx

= kTe↵
e�x0

R1
x0

e�xx�1dx
= kTe↵

e�x0

E1(x0)

<latexit sha1_base64="tCqcJGeEfyYBVWcEYFm6zwlYt50="></latexit>

E1(x0) '
e�x0

x0


1�

1

x0
+O

�
x�2
0

��
for x0 � 1
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- Volumetric heating rate: In photoionization equilibrium,

Hence, the volumetric heating rate is

Notice that the volumetric heating rate decreases with increasing gas temperature.

- Necessity of the cooling mechanisms
‣ An O3 main sequence star has an effective temperature Teff ~ 44,850 K (kTeff ~ 3.9 eV), 

and thus the photoelectrons will have a mean energy of 3.9 eV.
‣ However, the free electrons in a 10,000 K nebula have a mean energy (3/2) kTgas ~ 1.3 eV.
‣ Therefore, some cooling mechanism must be reducing the average kinetic energy of the 

photoelectrons.
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Heating and Cooling in H II Regions: Cooling
• Main cooling sources in H II regions:

- Recombination Continuum and Line Emission (free-bound)
- Thermal Bremsstrahlung (free-free)
- Collisionally Excited Line Emission

• Recombination Cooling:
- Recombination cooling occurs when electrons undergo radiative recombination with 

protons to form neutral hydrogen atoms. The volumetric cooling rate is then

where          is the mean kinetic energy of the recombining electrons. The mean 
kinetic energy is obtained by weighting by cross section and integrating over the 
Maxwell distribution

Note that . This is because the radiative recombination cross-section 
is a decreasing function of electron kinetic energy.

hErri 6= (3/2)kTgas
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We will perform the integration by approximating that the radiative recombination 
cross-section, at about T ~ 104 K, by a power-law:

Then, the mean energy per recombining electron (for Case B) is

The cooling rate from the recombination is

- Gas temperature:
If radiative recombination were the only cooling mechanism, then the gas 
temperature would be found by equating the photoionization heating with the 
recombination cooling.
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The resulting temperature would be ~46% higher than the effective temperature 
of the central star. For an O3 main sequence star with Teff = 44,900 K, the nebula 
temperature will be Tgas = 66,000 K
This is because radiative recombination selectively removes the lower-energy free 
electrons (because of the higher cross section at lower energy), and thus increases 
the mean kinetic energy of electrons that are left without being captured.

- Hence, we need an additional cooling mechanism.
• Free-free cooling:

- Bremsstrahlung cooling occurs when free electrons are accelerated by close 
encounters with protons or other ions, and thus emit radiation.

- The emissivity is

where       is the Quantum mechanical Gaunt factor.
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- The volumetric cooling rate for a pure hydrogen gas is

where       is the frequency-averaged Gaunt factor.
For temperature near Tgas = 104 K, a Quantum-mechanical calculation yields
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- The ratio between the radiative recombination cooling and free-free cooling rates is

- Adding the free-free cooling, we can estimate the gas temperature, as follows:

Example: for an O3 main sequence star with Teff = 44,900 K, the nebula temperature 
will be Tgas = 30,000 K if both the radiative recombination and free-free coolings are 
taken into account. This temperature is still higher than that is actually observed in H II 
regions.

•  Collisional excited line cooling
- If a free electron collisionally excites an atom or ion from a lower energy level to an 

excited level, the energy difference between the levels is taken from the free electron’s 
kinetic energy. If the excited atom or ion then undergoes radiative de-excitation, and if 
the emitted photon escapes from the nebula, then there is a net cooling of the gas.

47

L↵

Lrr

=
32⇡

3

✓
2⇡

3

◆1/2 e6

m2
ehc

3

✓
me

kTgas

◆1/2 ḡ↵
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- To cool from T ~ 30,000 K to ~ 10,000 K, the energy levels of the excited system must be 
separated by a difference                                                                 .
‣ If  is much lower than this value, then the photons emitted by radiative de-excitation will carry 

away only a small amount of energy.
‣ If  is much higher than this value, then only a small fraction of free electrons will have high 

enough energies to excite the ions or atoms.
‣ In H II regions, most of the hydrogen will be ionized. Even if some He or He+ is present, the 

energy of the first excited state is so far above the ground state that the rate for collisional 
excitation is negligible. Ly𝛼 ( ) emission from neutral hydrogen atoms is not 
effective at cooling H II regions. Similarly, the first excited state of neutral helium is far too 
energetic ( ) to be collisional excited.

- This is where the heavy atoms such as oxygen and nitrogen play a key role in 
cooling H II regions.
‣ In particular, O II, N II, and O III have forbidden transitions in the 1 - 3 eV range.
‣ If the collisional excitation is followed by a collisional de-excitation, the kinetic energy of 

the gas will be unchanged.
‣ Therefore, if a collisional excitation is to result in cooling, it must be followed by a 

radiative de-excitation. For radiative de-excitation to dominate over collisional de-
excitation, the number density of electrons must be lower than the critical density . 

‣ The critical density for these forbidden lines are indeed high compared to typical 
densities in an H II region.
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- Calculation of the cooling rate for the collisionally excitation lines (electron impact emission lines)
‣ If the collisionally excited levels are radiatively de-excited, the rate of energy loss by the gas is

where the sum is over species  and excited states .X
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[collisional excitation & de-excitation rate coefficients]

[population balance for two level atoms], ignoring the stimulated emission
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For three or more levels, the balance 
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See Appendix F of Draine, Table 4.1 of 
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Density and Metallicity Effects

- Metallicity Effect:
‣ The equilibrium temperature of a nebula also depends on its metallicity. If the metallicity is 

lowered, its temperature raises.
‣ An Orion-like nebula (around a star with Teff = 35,000 K) has a gas temperature of Tgas ~ 8050 

K.

‣ If the metallicity is lowered to , its temperature rises to 15,600 K.

‣ If the metallicity were zero, the gas temperature would be Tgas ~ 25,000 K.
‣ If the metallicity were 3 times that of the Orion Nebula, its temperature would be Tgas ~ 5400 K.

Z = Z⊙/10
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Main contributors to line cooling
in H II regions [Table 4.1 in Ryden]

- Density Effect: If the density is high, fewer 
of the possible cooling lines are above the 
critical density.
‣ Thus, cooling becomes less effective at 

higher densities, and the equilibrium 
temperature of the nebula goes up.

‣ For instance, the temperature of an Orion-
like nebula increases from Tgas = 6600 K at 
nH = 100 cm-3 to T = 9050 K at nH = 106 cm-3.

4.3 Heating & Cooling in H II Regions 97 

Table 4.1: Main contributors to line cooling in H n regions 

Aue ncrit 

Name A [A] [10- 3 s- 1 ] [104 cm- 3 ] 

Q II 4 S - 2D 3726 0.16 1.5 
3729 0.036 0.34 

NII 3P - 1D 6548 0.98 6.6 
6583 3.0 6.6 

0 III 3P - 1 D 4959 6.8 68 
5007 20. 68 

Among the lines that cool H n regions are our old friends, the nebulium lines 
that actually are produced by forbidden transitions in O 111. All the lines in 
Table 4.1 are forbidden lines, with Aue~ l kilosecond- 1 . 

If a collisional excitation is to result in cooling, it must be followed by a 
radiative de-excitation. If it's followed by a collisional de-excitation, then the 
kinetic energy that is taken from the exciting electron is merely transferred 
to the de-exciting electron; this is a zero-sum Robin Hood event that doesn't 
decrease the total thermal energy of the electron gas. For radiative de-excitation 
to dominate over collisional de-excitation, the number density of free electrons 
must be lower than the critical density ncriu as defined in section 3.3. The 
critical density at an electron temperature T 10,000K is given in Table 4.1 
for the cooling lines of greatest interest in H II regions. The critical densities 
range from ncrit ~ 3400cm- 3 for the [O II] 3729A line to ~680,000 cm- 3 for the 
[O 111] lines. These densities are high compared to typical densities in an H II 
region, but not compared to the density in a planetary nebula, where densities 
can reach ne ~ 10,000cm- 3 or more. Thus, if we crank up the electron density 
in a planetary nebula to high values, fewer and fewer of the possible cooling 
lines are above the critical density. Thus, cooling becomes less effective at 
higher densities, and the equilibrium temperature of the nebula goes up. For 
instance, the temperature of an Orion-like nebula increases from T = 6600 K at 
nH = l00cm- 3 to T = 9050K at nH = 105 cm- 3 . 

The equilibrium temperature of a nebula also depends on its metallicity, 
the fraction of its mass made of elements other than hydrogen and helium. 

[     ]

[     ]

[      ]
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Fig. 9.5. The cooling function for a fixed ionization state produced by an O-star 
with Teff = 40,000 K and with q = 108 cm S-l is shown here as a function of electron 
temperature. The heating rate is related to the recombination rate, as described in 
the text. The equilibrium temperature is defined by the point at which these cross. 
Quite wide variations in the heating rate would produce only small changes in Te , 

which remains in the vicinity of 104 K. 

very low abundance levels. Eventually however, when the abundance is lower 
than about a tenth to a thirtieth of solar, even these fade away. 

For metal-rich OB-stars and nebulae with metallicities in excess of about 
twice solar, the equilibrium electron temperature decreases rapidly with in-
creasing cooling rate in the temperature lies in the range 3.8 > log Te > 2.8, 
approximately. Since metal-rich H II regions are too cool to excite the optical 
forbidden lines to any great extent, the optical spectrum is dominated by 
hydrogen and helium recombination lines. 

Since the forbidden lines reach a peak relative intensity at a particular 
abundance, any particular forbidden to Balmer line ratio is obtained for two 
values of the abundance. To identify which branch represents the correct 
solution, a measure of the electron temperature is required. This will be high 
for low chemical abundance and low for high abundances. 

Finally, note that the photoionization equilibrium represented in Fig. 9.5 
is thermally stable, even where it is quite sensitive to changes in the heating 
rate. Instabilities will occur only where there is an unstable time-dependent 

[Figure 9.5, Dopita]

The cooling function for a fixed ionization state produced by an O star 
with Teff = 40,000 K as a function of electron temperature.
The heating rate is related to the recombination rate. The equilibrium 
temperature is defined by the point at which these two curves cross.

At different electron temperatures, 
different collisionally excited 
emission lines dominate the cooling 
rate.

A T ~ 1000 K (kT ~ 0.1 eV), the 
cooling is dominated by infrared 
fine-structure lines, such as [S II] 
18.7 m line and, at lower 
temperatures, the [O I] 63 m and 
[C II] 158 m lines, which cool the 
CNM.

At T ~ 25,000 K, the cooling is 
dominated by ultraviolet lines such 
are Ly .

At intermediate temperatures, T ~ 
8000 K, optical forbidden lines from 
O II, N II, and O III dominate the 
cooling rate.

μ
μ

μ

α
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Figure 27.1 (a) Photoelectric heating function Γpe and radiative cooling function Λ as
functions of gas temperature T in an H II region with Orion-like abundances and den-
sity nH = 4000 cm−3. Heating and cooling balance at T ≈ 8050K. (b) Contributions
of individual lines to Λce.

27.3.3 Collisionally Excited Line Radiation

In an H II region, most of the hydrogen will be ionized. Even if some He or He+

is present, the energy of the first excited state is so far above the ground state that
the rate for collisional excitation is negligible. However, if heavy elements such as
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Figure 27.1 (a) Photoelectric heating function Γpe and radiative cooling function Λ as
functions of gas temperature T in an H II region with Orion-like abundances and den-
sity nH = 4000 cm−3. Heating and cooling balance at T ≈ 8050K. (b) Contributions
of individual lines to Λce.

27.3.3 Collisionally Excited Line Radiation

In an H II region, most of the hydrogen will be ionized. Even if some He or He+

is present, the energy of the first excited state is so far above the ground state that
the rate for collisional excitation is negligible. However, if heavy elements such as

Heating and Cooling function as a function of 
gas temperature in an H II region with Orion-
like abundances and density                           . 

Heating and cooling balance at Tgas ~ 8050 K.

nH = 4000 cm�3
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Contributions of individual collisionally-excited 
lines to the cooling function.

[Figure 27.1 in Draine]

pe = photoelectron



Heating and Cooling - Dependence on Metallicity
53

HEATING AND COOLING OF H II REGIONS 323

Figure 27.2 (a) Photoelectric heating function Γpe and radiative cooling function Λ as
functions of temperature T in an H II region with abundances that are (a) only 10%, or
(b) enhanced by a factor of 3 relative to the Orion Nebula. A density nH = 4000 cm−3

is assumed. Thermal equilibrium occurs for T ≈ 15600K and ∼ 5400K for the two
cases.

heavy-element abundances by a factor of 3, as might be appropriate in the cen-
tral regions of a mature spiral galaxy, the H II region temperature drops to just
∼ 5400K.
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Figure 27.2 (a) Photoelectric heating function Γpe and radiative cooling function Λ as
functions of temperature T in an H II region with abundances that are (a) only 10%, or
(b) enhanced by a factor of 3 relative to the Orion Nebula. A density nH = 4000 cm−3

is assumed. Thermal equilibrium occurs for T ≈ 15600K and ∼ 5400K for the two
cases.

heavy-element abundances by a factor of 3, as might be appropriate in the cen-
tral regions of a mature spiral galaxy, the H II region temperature drops to just
∼ 5400K.

Heating and Cooling function for different metal abundances

(a) For an abundance of 10% of that of the Orion Nebula
(b) For 3 times higher abundance

Figure 27.2 in Draine
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324 CHAPTER 27

Figure 27.3 Cooling function Λ(T ) for different densities nH. The gas is assumed
to have Orion-like abundances and ionization conditions. As the gas density is var-
ied from 102 cm−3 to 105 cm−3, the equilibrium temperature varies from 6600 K to
9050 K, because of collisional deexcitation of excited states.

For a given ionizing star and gaseous abundances, the H II region temperature
will also be sensitive to the gas density. When the density exceeds the critical
density of some of the cooling levels, the cooling will be suppressed, and the
equilibrium temperature will rise. Figure 27.3 shows how, at fixed Orion Nebula-
like abundances and ionization balance, the cooling function Λ(T )/nHne responds
to changes in the density. As the density is increased from nH = 102 cm−3

to nH = 105 cm−3, the thermal equilibrium temperature shifts from 6600 K to
9050 K.

27.5 Emission Spectrum of an H II Region

When the gas is near thermal equilibrium, the principal cooling lines are shown in
Fig. 27.1(b), and listed in Table 27.2.

The optical spectrum of an H II region is dominated by the major hydrogen re-
combination lines (Hα 6565 Å, Hβ 4863 Å, H γ 4342 Å), and collisionally excited

Cooling function for different densities.

The gas is assumed to have Orion-like abundances and ionization conditions.
As the gas density is varied from 102 to 105 cm-3, the equilibrium temperature varies from 6600 K to 
9050 K, because of the contribution of collisional de-excitation.

Figure 27.3 in Draine



Additional Cooling Mechanisms
• Thermal Emission of Dust

- H II regions contain dust which scatters the light of the 
exciting stars. Dust grains also absorbs some of the 
photons emitted by the stars and some of the Lyman 𝛼 
emission that fills the H II region. They re-emit the absorbed 
energy in the mid- and far-infrared, producing thermal 
continuum.

• Two-Photon (Continuum) Emission
- The emission of radiation from an atomic level can arise 

through the intermediate of a virtual state. In this case, two 
photons are emitted, the sum of their energies being equal 
to the energy of the transition.

- The probability of this 2-photon emission is small, but it can 
become the main channel for the de-excitation of a 
metastable level if collisions are negligible.

- This is the case for neutral hydrogen and helium.
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Table 3.6. Lifetimes, τ , for decay by spontaneous emission for
low-lying excited states of the hydrogen atom.

Level 2s 2p 3s 3p 3d
τ/s 0.14 1.6× 10−9 1.6 × 10−7 5.4× 10−9 2.3× 10−7

1s

2s

Fig. 3.23. Decay of the metastable 2s state of hydrogen giving two continuum
photons.

∼ 0.14 s, i.e. it lives 108 times longer than the 2p state. This is because the
transition 2s → 1s is strongly forbidden. The 2s state is metastable which
means that on the atomic scale, it is long-lived.

So how does the 2s state decay? By the process of two-photon emis-
sion, which is an inefficient process and in this case has an Einstein A
coefficient of 7 s−1 which can be compared to A(2p → 1s) = 6.3× 108 s−1.
The combined energy of the photons emitted must correspond to the
energy difference E(2s) − E(1s) but the photons themselves can take any
energy within this constraint (see Fig. 3.23). The photons thus appear as
continuous emission radiation. Indeed the two-photon decay of the H 2s
state is responsible for approximately one half the continuum emission
observed from H II regions.

Problems
3.1 Give an expression for the energy levels of the hydrogen atom in terms

of the Rydberg constant RH. Assuming a value RH = 109677.58 cm−1,
derive a wavenumber for the Lyα transition of atomic hydrogen
in cm−1. Explain why the Rydberg constant, R∞ = 109737.31cm−1,
is more appropriate than RH for a heavy one-electron atom. Hence
obtain an estimate for the wavenumber of the Lyα transition of
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Nebular, Auroral Lines
• Definitions:

- Auroral: the transitions between two higher terms of configurations p2, p3, and p4 are named 
auroral.

- Nebular: the transitions between the middle and the lowest terms give nebular lines.
- Transauroral: the transitions between the highest and the lowest terms give the transauroral lines.
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The term structure for the 
ground configurations with p, p2 
p3, p4, and p5 outermost shells.
(not to scale)
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Temperature, Density & Abundance Diagnostics
• In the figure, the continuum is a mixture of free-bound continuum (from radiative 

recombination), free-free emission (thermal bremsstrahlung), and two-photon 
emission.

• If we know enough about the temperature dependence of these continuum 
radiation, we can estimate the nebula temperature. However, the collisionally 
excited emission lines are much stronger than the continuum spectrum.
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Spectrum of a disk HII region in the 
Whirlpool galaxy (M51).

(top) bright lines
(bottom) scaled to show faint lines.

Figure 4.5 [Ryden]
Data from Croxall et al. (2015)

88 Warm Ionized Medium and Ionized Nebulae

4.4 Temperature and Density Diagnostics

How do we measure the temperature and density of an H ii region or a planetary
nebula? Since we can’t do sample-return missions, or deploy a kiloparsec-long
thermometer, we must rely on determining the physical characteristics of a nebula
from its spectrum.

Estimating the temperature of an astronomical object from its spectrum
is a recurring theme in astronomy. For opaque objects such as stars, with
(approximate) blackbody spectra, the temperature can be estimated from the
continuum spectrum. However, ionized nebulae are far from being blackbodies.
A spectrum of a typical H ii region at visible and near-infrared wavelengths is
shown in Figure 4.5. The continuum radiation is a mix of free–bound emission
(from radiative recombination), free–free emission (or bremsstrahlung), and two-
photon emission. To understand “two-photon” continuum emission, consider
the lowest energy levels of the hydrogen atom. The ground state of hydrogen
has principal quantum number n = 1 and orbital quantum number ! = 0; in
spectroscopic notation, the ground state of hydrogen is 1 2S. If the principal
quantum number is n = 2, there are two permissible values for the orbital angular
momentum: ! = 0 and ! = 1. If n = 2 and ! = 1 (written 2 2Po in spectroscopic
notation), then the downward transition 2 2Po → 1 2S is a permitted transition,
with Au! = 6.26×108 s−1 and hνu! = 10.2 eV; this is the transition that produces
Lyman α photons. By contrast, if n = 2 and ! = 0 (written 2 2S in spectroscopic
notation), then the downward transition 2 2S → 1 2S is a forbidden transition,
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9Å

[S
ii
i]9

53
2Å
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Figure 4.5 Spectrum of a disk H ii region in the Whirlpool Galaxy (M51: d ∼ 7 Mpc).
The top panel shows bright lines; the bottom panel is scaled to show fainter lines. Selected
emission lines are labeled. [Data from Croxall et al. 2015]


