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Effects of Supernovae on the ISM
• Consider the simplest case of a spherically symmetric explosion of a star in a uniform 

density and temperature.
• Free-Expansion Phase

- Typical supernovae (SNe) explosion ejects a kinetic energy of

- The ejecta mass ranges from                        (Type Ia, white dwarf)  to                              (Type 
II, core collapse of massive stars).

- The ejecta will have a root-mean-square (rms) velocity of

‣ This velocity is far greater than the sound speed in the surrounding material, and the expanding 
ejecta will drive a fast shock into the circumstellar medium.

- All of the matter interior to this shock surface is referred to as the supernova remnant (SNR).
- The density of the ejecta far exceeds the density of the circumstellar medium, and the 

ejecta continue to expand ballistically at nearly constant velocity. — this is referred to as 
the “free expansion phase.” The ejecta are not slowed down significantly until they have swept 
up a mass of interstellar gas comparable to the mass of the ejecta.
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 for core collapse supernovae 
(Type II, Type Ib, and Type Ic), powered by the 
gravitational collapse of the dense core of an 
evolved massive star.

 for the thermonuclear explosion of 
a white dwarf (Type Ia)

Mej ∼ 10 M⊙

Mej ∼ 1 M⊙

An explosion produces an energy  
in neutrinos and  erg in photons. These 
energies are not effectively deposited in the 
ISM.

∼ 1053 erg
∼ 1049
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- At the early times of the free-expanding phase, there is only one shock, which propagating outward into 
the ambient medium.

- As the ejecta expands, its density drops and less hot, thanks to adiabatic cooling. Then, the pressure 
( ) of the shocked circumstellar/interstellar medium soon exceeds the thermal pressure in the 
ejecta.

‣ As the pressure in the ejecta drops, a reverse shock is driven into the ejecta. The SNR now contains 
two shocks: the original outward-propagating shock (the blastwave) and the reverse shock 
propagating inward, slowing and shock-heating the ejecta (which had previously been cooled 
adiabatic expansion).

- End of the free-expanding phase: The reverse shock becomes important when the expanding 
ejecta material has swept up a mass of circumstellar or interstellar matter comparable to the 
ejecta mass.
‣ The radius of the blastwave and the time when this occurs are:

‣ The free-expansion phase applies only for  .
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• Sedov-Taylor Phase (Energy-Conserving Phase, Adiabatic Phase)
- For  , the reverse shock has reached the center of the remnant, all of the ejecta are 

now very hot, and the free-expansion phase is over.
‣ The pressure in the SNR is far higher than the pressure in the surrounding medium.
‣ The hot gas may have been emitting radiation, but if the density is low, the radiative losses at 

early times are negligible.
‣ We can idealize the explosion as a large amount of energy released instantaneously at a point 

(blast wave), in the form of kinetic energy plus radiation.

- The mass of shocked gas is much greater than the ejecta mass. The pressure  behind 
the shock is much greater than the pressure  of the surrounding gas. Hence, the 
properties of the shock front no longer depend on the ejecta mass and the surrounding gas 
pressure. The shock expands as if it were traveling into a pressureless medium.

- The SNR now enters a phase where

‣ We can neglect (1) the mass of the ejecta ( ), (2) radiative losses, and (3) the 
pressure in the ambient medium.

‣ The shock front properties depend only on the energy of explosion  and the density  
of the ambient medium.

‣ This phase can be approximated by idealizing the problem as a “point explosion” injecting 
only energy     (zero ejecta mass) into a uniform-density zero-temperature medium of 
density    , as in nuclear explosion.
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- Self-similar Solution: In this phase, only the scale of the pressure and the length 
scale evolve with time, but the shape of the pressure and density as a function of 
position remains unaltered. These motions are called self-similar.

- The evolution during this phase is determined only by the energy of explosion , 
the density of interstellar gas , and the elapsed time from the explosion t.
We do simple dimensional analysis to find out the form of the time evolution of the 
remnant. Let the explosion occur at t = 0 and the radius of the shock front be Rs. 
Suppose that

‣ By equating the powers of mass, length, and time, we obtain

‣ Then, the solution for the shock-front radius is given by

E0
ρ0
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‣ The solution gives the radius and velocity of the shock front, and temperature of the 
post-shock gas:

‣ We have been assuming that the internal structure of the remnant is given by a similarity 
solution: by this we mean that the density, velocity, and pressure can be written
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m = mass per particle in the fully ionized, post-shock region.
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Inserting these into the fluid equations, with the Rankine-Hugonit relations for boundary 
conditions,Taylor (1950) and Sedov (1959) found the solution for the dimensionless functions 
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• Alternative approach:
- For the strong shock, the specific internal (thermal) and the kinetic energies just behind the strong 

shock are given by, respectively:

- Since the blast wave is slowing down with time, the specific energy of the internal gas varies with 
radius within the bubble of hot gas.

- Provided that most of the mass in the supernova remnant is made up of shocked interstellar gas 
and the mass of the stellar eject can be neglected, the total energy in the bubble of hot gas E0, 
which is equal to the energy injected by the supernova explosion since the radiative losses are 
negligible, is therefore

where 𝜙 is a structure parameter, a numerical factor of order unity which accounts for the radial 
dependence of specific energy within the bubble. This equation represents the equation of motion 
of the shock front.
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432 CHAPTER 39

Figure 39.1 Sedov-Taylor solution for γ = 5
3 gas. The temperature profile (not shown)

can be obtained from the ratio of the pressure and density profiles. The density falls
inward, and the temperature rises inward, with ρ/ρ0 → 0 and T/Ts → ∞ as x → 0.

evolve toward the Sedov-Taylor solution. Even in the absence of radiative cooling,
the actual SNR will deviate from the Sedov-Taylor solution because the original
explosion injected a mass Mej (as opposed to the point injection of pure energy
at t = 0 assumed for the Sedov-Taylor solution), leaving waves reverberating in
the remnant even after the reverse shock has reached the center (Cioffi et al. 1988).
Nevertheless, once the swept-up mass exceeds Mej, the Sedov-Taylor solution will
be reasonably close to the actual density and temperature over most of the rem-
nant. This is known as the Sedov-Taylor phase (or often just “Sedov phase”) in
the evolution of the blastwave.

The hot gas interior to the shock front is, of course, radiating energy. When
the radiative losses become important the blastwave will enter a “radiative” phase,
where the gas in the shell just interior to the shock front is now able to cool to
temperatures much lower than the temperature Ts =

3
16µv

2
s/k at the shock front.

To estimate when the SNR will leave the Sedov-Taylor phase, we idealize the
cooling function as

Λ ≈ C T−0.7
6 nHne , C = 1.1× 10−22 erg cm3 s−1 , (39.15)

Sedov-Taylor solution for  = 5/3.

The temperature profile (not shown) can be obtained from the ratio of the pressure 
and density profiles. The density falls inward, and the temperature rises inward.

[Figure 39.1, Draine]

γ
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- End of the Sedov-Taylor phase
‣ The hot gas interior to the shock front is, of course, radiating energy. When the radiative 

losses become important, a dense shell forms behind the shok and the SNR will leave the 
Sedov-Taylor phase and enter a “radiative” phase. In the radiative phase, the gas in the 
shell just interior to the shock front is now able to cool to temperatures much lower than 
the temperature                                 at the shock front.

‣ In order to calculate the time scale, we need to estimate the cooling rate:

Here,                                  is the hydrogen density of the ambient medium at  r = Rs.

                                           is the temperature of the post-shock region at  r = Rs.

                     denotes a volume-weighted average over the SNR.

From the Sedov-Taylor solution, we obtain                                              .
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cooling function at a radius :r

cooling rate at a time t, integrated over the volume of the SNR:

⇤(r) ⇡ C
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‣ Now, integrate the energy loss rate over a time interval t :

Using the previous solutions, we obtain the fractional energy loss by time t :

‣ If we suppose that the SNR enter the “radiative phase” when

we can solve for the cooling time trad :

‣ The radius and shock speed at the end of the Sedov-Taylor phase are:

10

�E(t) = �1.2⇥ (1.817)C
4⇡

3
n2
0

Z t

0
dtR3

s(Ts/10
6 K)�0.7

<latexit sha1_base64="BAKOzKk8QzptpGRcrsgPhNbPYAU="></latexit>

Rs = 1.54⇥ 1019 [cm]E1/5
51 n�1/5

0 t2/53

Ts = 5.25⇥ 107 [K]E2/5
51 n�2/5

0 t�6/5
3

<latexit sha1_base64="BVMESavBOKzZk4TeIFCnCZ9MZno="></latexit>

�E(t)

E0
⇡ �2.38⇥ 10�6 n1.68

0 E�0.68
51 t3.043

<latexit sha1_base64="20N/2z0dbR/SOlZ18HF/xmh7ur8="></latexit>

�E(trad)/E0 ⇡ �1/3

<latexit sha1_base64="Tx9wcf9+MCx2hIogGmpWbo4F+SM="></latexit>

trad = 49.3⇥ 103 [yr]E0.22
51 n�0.55

0

<latexit sha1_base64="SFbbj6FazGUJ8fjugv7jxSBBTj4="></latexit>

Rs(trad) = 7.32⇥ 1019 [cm]E0.29
51 n�0.42

0

Vs(trad) = 188 [km s�1]
�
E51n

2
0

�0.07

<latexit sha1_base64="wpexJ1n6fqLowZLPF/LfyOfac+4="></latexit>

Ts(trad) = 4.86⇥ 105 [K]
�
E51n

2
0

�0.13

kTs(trad) = 41 [eV]
�
E51n

2
0

�0.13

<latexit sha1_base64="1IOh1fLhASLQ/Oa9AzGJxcNERQE="></latexit>

Post-shock temperature is:7.32⇥ 1019 cm = 23.7 pc

<latexit sha1_base64="3DNJ2sVKoG/HVyb/IPROKsPXakI="></latexit>

end of the Sedov-Taylor phase



• Snowplow Phase (Radiative Phase)
- At             ,
‣ Cooling cause the thermal pressure just behind the shock to drop suddenly, and the shock wave 

briefly stalls. However, the very hot gas in the interior of the SNR has not cooled.
‣ The SNR now enters the snowplow phase, with a dense shell of cool gas enclosing a hot central 

volume where radiative cooling is unimportant.
‣ This is called the snowplow phase because the expanding dense shell scoops up additional mass 

as it expands (the mass of the dense shell increases as it “sweeps up” the ambient gas). Since the 
gas cools well the shell will be thin and so the gas in the shell has a radial velocity that is almost the 
same as the shock front speed.

‣ Most of the mass of a supernova remnant in the snowplow phase is in the dense shell. The inner 
region contains gas at very high temperatures. Thus, despite its low density, the gas in the inner 
region has a significant pressure, which push the dense shell outward.

‣ The gas in the hot center cools by adiabatic expansion, and thus the pressure is given by

‣ So that the pressure in the interior evolves as
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Figure 5.5 An expanding supernova remnant makes the transition from the Sedov–Taylor,
or blastwave, phase to the snowplow phase. [Following Shu 1992]

the mass of the supernova remnant, so its mass at t ∼ tcool is

Msh ∼ 4π

3
ρ1r3

cool ∼ 1600 M"

(
E

1051 erg

)0.87 ( nH

1 cm−3

)−0.26
. (5.49)

The “radial momentum” of the dense shell at t ∼ tcool is

µsh ≡ Mshush ∼ 7 × 1043 g cm s−1
(

E
1051 erg

)0.94 ( nH

1 cm−3

)−0.13
. (5.50)

The radial momentum µsh can be thought of in physical terms if you look at a
small patch of the dense shell covering a solid angle d#. The linear momentum
of the patch of shell is then µshd#. Once the dense shell forms, the supernova
remnant enters the snowplow phase of its evolution. It is called the “snowplow”
phase because the expanding dense shell scoops up additional mass as it expands,
just as a snowplow scoops up additional mass in the form of snow.

Although most of the mass of a supernova remnant in the snowplow phase is
in the dense shell, the inner region contains gas at very high temperatures. Thus,
despite its low density, the gas in the inner region has a significant pressure, which
helps to push the dense shell outward. The pressure-assisted snowplow phase
can be mathematically analyzed. Let Pi be the mean pressure within the hot,
low-density interior of the supernova remnant. Since hot, low-density gas can’t
cool effectively by free–free emission (with tcool ∝ T1/2n−1), its pressure drops
primarily through adiabatic expansion: PVγ = constant, where V is the volume
of hot, low-density gas inside the dense shell and γ is the adiabatic index of the
gas. For adiabatic cooling, then, the pressure drops as Pi ∝ V−γ ∝ r−3γ

sh . Thus,
after the time t ∼ tcool when the snowplow phase begins, the interior pressure
goes as

Transition from the Sedov-Taylor phase to the snowplow phase [Figure 5.5, Ryden]



- In the initial phase, the pressure exerted by the hot center causes the “radial 
momentum” of the shell to increases:

‣ Because the effect of the internal pressure has been included, this solution is referred 
to as the pressure-modified (or pressure-driven) snowplow phase.

‣ Note that with this construction,  is continuous from the Sedov-Taylor phase to 
the pressure-modified snowplow phase, but  undergoes a discontinuous drop by 
2/7 ~ 29% at .
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- In the late phase of evolution, the stored thermal energy in the central region has been 
entirely radiated away, and only the momentum of the dense shell keeps the remnant 
expanding into the ISM.

‣ This phase is called the momentum-conserving snowplow phase. Towards the end of 
this phase, the expansion velocity becomes sonic or subsonic with respect to the interstellar 
sound speed.

- In summary, the supernova expansion velocity is continuously slowed by its 
interaction with the surrounding medium.
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• Fadeaway (Merging with the ISM)
- For typical ISM parameters, the shock speed at the beginning of the snowplow phase 

is 

- This results in a very strong shock when propagating through interstellar gas with T < 
104 K. However, the shock front gradually slows, and the shock compression 
declines. This proceeds until the shock speed approaches the effective sound speed 
in the gas and at this point the compression ratio approaches 1, and the shock wave 
turns into a sound wave.

- Setting                gives the a “fadeaway time”
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Illustration of the phases in the dynamics of a SNR
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Four Phases of the SNR
 
1. Free Expansion Phase
2. Sedov-Taylor Phase
3. Snowplow Phase

(pressure-driven)
(momentum-conserving)

4. Merging Phase

Rough estimates for the 
temperatures and velocities at the 
end of each phase are given.

Fig 4.9, Rosswog & Bruggen,
Introduction to High-Energy Astrophysics
(slightly modified)
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Morphological Types of SNRs
• SNRs have been classified into three broad categories, based primarily on their radio 

morphology:
- Shell-like
‣ The vast majority of SNRs have the appearance of hollow “shells” with hardly any central 

emission (Tycho’s SNR, SNR 1006, Cassiopeia A, etc).
- Crab-like (filled-center, Plerionic)
‣ These SNRs are centrally-filled with no limb brightening. These have come to known as 

“plerions” (the Greek “πλήρης” meaning “full”). The Crab nebula is a prime example of this 
morphology.

‣ The centrally-filled component in these remnants is believed to be powered by a central pulsar.
- Composite (shell-like SNRs containing plerions)
‣ This type show a shell surrounding a centrally condensed nebula. These are commonly referred 

to as “combination remnants”. The presence of an active pulsar at the site of the supernova 
explosion would naturally account for the hybrid appearance of some SNRs.

‣ SNR G 326-1.8
- Mixed-morphology (named by Jeonghee Rho)
‣ Shell-like in the radio and Centrally filled in the X-ray.
‣ The dominant X-ray emission is thermal despite their X-ray morphological similarity to Crab-like 

SNRs. The X-ray is of interstellar origin (not SN ejecta). Their formation requires a denser-than-
average ISM.
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SNR Examples
• Free-expansion phase

- SN1987A, Cas A are in the free expansion phase.
- Cassiopeia A
‣ In the case of Type II supernovae resulting from core collapse in massive stars, the supernova 

explosion is often precede by a red supergiant phase, leaving a relatively dense circumstellar 
medium with a             density profile.

‣ The Cas A has been modeled with                     and                , expanding into a circumstellar 
medium with                                          left by a red supergiant phase (van Veelen et al. 2009). The 
reverse shock is now located at ~60% of the outer shock radius — much of Cas A ejecta is still in 
the free expansion phase.

‣ The Cas A is at the end of its free expansion phase; it is ~ 300 years old (around 1680AD). At 
visible wavelengths, many ‘knots’ of emission , moving radially outward with a velocity of ~ 6000 
km s-1, can be seen. The knots are rich in oxygen, and are interpreted as being clumps of matter 
that have been ejected from the center of the star, where nucleosynthesis took place.
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Examples
• Sedov-Taylor phase

- The Tycho SNR and the Crab nebular are in the Sedov-Taylor phase.
‣ Light from the supernova that gave birth to the Crab Nebula was first seen on AD 1054 July 4. The 

SNR is at an age                   . The solution for the Sedov-Taylor phase implies

‣ The azimuthally averaged radius of the Crab Nebula is                             in angle. The proper motion 
of its expansion is                                     . This gives the ratio

which is smaller than required by the self-similar solution.
‣ This implies that Vs for the Crab Nebula is decreasing less rapidly than implied by the Sedov-Taylor 

solution.
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• Snowplow phase
- Cygnus Loop
‣ The Cygnus Loop (aka the Veil Nebula) is in the snowplow phase. Its age is 40,000 yr, 

and its expansion velocity is ~ 120 km s-1. The dense shell is thermally unstable to the 
formation of filaments; such filaments can be seen in optically photographs of the 
Cygnus Loop.

‣ Observationally, it is found that the internal pressure of SNRs in the snowplow phase is 
large enough to give a significant push to the shell.
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NASA/GALEX

L179

PLATE 1

Fig. 3.—SPEAR spectral line maps of the Cygnus Loop in (a) C iv ll1548, 1550, (b) O iii] ll1661, 1667, (c) He ii l1640, and (d) Si iv!O iv] ll1400,
1403 (unresolved). Coordinates are (a, d) at epoch 2000.0. Units of the color bars are 10"6 ergs cm"2 s"1 sr"1. Contour levels in units of 10"6 ergs cm"2 s"1 sr"1
are stepped by eight equal linear intervals and range (a) from 7 to 55, (b) from 6 to 40, (c) from 6 to 40, and (d) from 4 to 24. The values are not corrected for
reddening.

C IV (1550Å) image
FIMS/SPEAR, STSAT-1
Seon et al. (2006, ApJL) 



Overlapping of SNRs
• By the fadeaway time        , a SNR has expanded to fill a volume 

- What is the probability that another SN will occur within this volume and affect the 
evolution of the original SNR before it has faded away?

- Let a rate of occurrence of a SN per volume 
The SN rate in the Milky Way has been estimated from records of historical SNe and 
from observations of similar galaxies. The SN frequency in the Galaxy is estimated to 
be one event every 30-50 yr (Tammann et al. 1994).
Consider the Milky Way “disk” to have a radius of 15 kpc and a thickness 200 pc, and 
suppose that the SN rate within this volume is 1/(60 yr). Then, this gives a SN rate 
per volume:

- The expectation value for the number of additional SNe that will explode within this 
volume during the lifetime          of the original SNR is
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In the two-phase model of the ISM, the interstellar volume is filled by the WNM with 
density 

Then, the expectation value for the number of additional SNe that will explode within 
this volume during the lifetime                      of the original SNR is

Therefore, we conclude that if we were to start with the two-phase model, the initially 
near-uniform WNM will be destroyed by the effects of SNe.

- Massive stars tend to be born in stellar associations. They enter their supernova 
phase before they have a chance to drift apart. Thus, the SNRs of the neighboring 
supernovae will merge to form a single super bubble, which may be hundreds of 
parsec across. Such super bubbles are a primary source of the hot ionized 
component of the ISM.
In other words, SNRs will overlap and occupy a major fraction of the disk volume. 
This implies that, at least for the Milky Way, SNRs will create a multiphase ISM, 
consisting of low-density regions in the interior of the SNRs, and dense regions 
containing most of the gas mass.
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Three-Phase Model of the ISM
- An initially uniform ISM consisting of warm HI would be transformed by SNRs into a 

medium consisting of low-density hot gas and dense shells of cold gas.
‣ This transform would take place in just a few Myr. McKee & Ostriker (1977) 

developed a model of the ISM that took into account the effects of these SNRs.

‣ MO1977 argued that the pressure in the ISM was maintained by SNe.
If initially the ISM had a low pressure, then SNRs would expand to large radii, with 
resulting overlap. The pressure in the ISM will rise until the SNRs tend to overlap 
just as they are fading, at which point the pressure in the ISM is the same as the 
pressure in the SNR.

‣ According to this argument, the overlapping condition               can be used to 
predict the pressure of the ISM.
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438 CHAPTER 39

& Ostriker (1977) developed a model of the ISM that took into account the effects
of these blastwaves. They envisaged an ISM consisting of three distinct phases:
cold gas – the cold neutral medium (CNM); warm gas – the warm neutral medium
(WNM) and warm ionized medium (WIM); and hot gas – the hot ionized medium
(HIM). A SNR blastwave expands into this composite medium, as illustrated in
Fig. 39.3.

Figure 39.3 Left: Structure of a typical cold cloud in the three-phase model of McKee
& Ostriker (1977). Right: Close-up of a supernova blastwave. From McKee & Ostriker
(1977).

McKee & Ostriker (1977) argued that the pressure in the ISM was maintained
by SNe – if initially the ISM had a low pressure, then SNRs would expand to large
radii before “fading,” with resulting overlap. The pressure in the ISM will rise until
the SNRs tend to overlap just as they are fading, at which point the pressure in
the ISM is the same as the pressure in the SNR. According to this argument, the
condition NSN ≈ 1 can be used to predict the pressure in the ISM.

We previously obtained an equation (39.32) for NSN in terms of the supernova
rate per volume S, E51, n0, and cs. If we write p = 1.4nHmHc2s, we can eliminate
cs in favor of the pressure p. The expectation value for overlap then becomes

NSN = 0.24S−13 E
1.27
51 n−1.11

0 c−13/5
s,6 (39.35)

= 0.48S−13 E
1.27
51 n−0.19

0 p−1.30
4 , p4 ≡ p/k

104 cm−3 K
. (39.36)

Setting NSN = 1, we solve for the pressure:
p

k
= S0.77

−13 n−0.15
0 × 5700 cm−3 K . (39.37)

The derived pressure depends weakly on n0; if we set n0 ≈ 1 (the mean den-

[Figure 39.3 Draine]

Left: Structure of a typical cold cloud in the 
three-phase model of McKee & Ostriker (1977)

Right: Close-up of a supernova blast wave.

NSN ⇡ 1
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- We can express the expectation value for overlap in terms of the pressure:

We can eliminate the sound speed in favor of the pressure:

We can solve for the pressure

This is comparable to the observed thermal pressure                                 in the ISM today.
- The principal shortcoming of the MO77 three-phase model is the failure to predict 

the substantial amount of the warm HI gas. The model predicts only 4.3% of the HI 
mass in the warm phase (WNM and WIM). The 21-cm line observations indicate that more 
than 60% of the HI within 500 pc of the Sun is actually in the warm phase (Heiles & 
Troland 2003).
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Observing the HIM - Local Bubble
• How to observe the HIM - Emission Lines?

- HII regions have readily observable emission lines that let us estimate their density 
and temperature.

- However, finding the density and temperature of the HIM is more difficult.

- The temperature of the HIM, T ~ 106 K, corresponds to                             . However, 
photons with an energy 100 eV (~ 120Å) are difficult to observe, even if we use space 
observatories.
‣ This is primarily because of the large photoionization cross-section of hydrogen.

‣ A column depth N(HI) > 1020 cm-2 (corresponding to ~ 20 pc through the WNM, ~ 1 pc 
through the CNM) will absorb nearly all 100 eV photon that is emitted by a bubble of hot 
gas.

- The only portion of the HIM from which we can observe 100 eV photon is the Local 
Bubble.
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• Soft-Xray (1/4 keV) background, the Local Hot Bubble
- The X-ray background is an unexpectedly intense diffuse flux of soft X-rays (Bowyer et al. 1968). X-ray 

at the low energies are easily absorbed by interstellar clouds, so it was concluded that they must have a 
local origin. Moreover, observations show that there is a suspicious lack of cool, absorbing gas with 
about ~ 100 pc of the Sun.

- The existence of the local hot bubble has been proposed to explain the soft X-ray background. The 
local bubble is a cavity in the ISM filled with hot, X-ray-emitting gas.

- A nearby supernova explosion could carve the bubble out millions of years ago, leaving a region filled 
with relatively little neutral hydrogen, but a lot of 106 K gas.
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The Local Bubble (NASA CHIPS)- But this paradigm was challenged when X-rays 
emanating from a comet as it passed through the solar 
wind.

- When the charged ions flowing out from the Sun collide 
with neutral hydrogen and helium atoms in 
interplanetary space, they can exchange electrons, 
producing soft X-ray photons in the process. If the X-ray 
emission caused by the solar wind could account for the 
entire X-ray background, then it would negate the need 
for a local hot bubble.

- Galeazzi et al. (2014, Nature) combined observations 
from the “Diffuse X-rays from the Local galaxy” (DXL) 
rocket mission with the ROSAT data and found that the 
X-ray emission from solar wind could only account 
for about 40% of the diffuse X-ray background.

hard-xray: E > 1 keV
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intensity unit = 10-6 counts s-1 arcmin-2 (Slavin, 2017)
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Figure 1. The Local Bubble as inferred from Na i absorption line measurements projected onto
the Galactic plane [1, used by permission].

Figure 2. ROSAT 1/4 keV map of the di↵use soft x-ray background. The emission, especially
at low Galactic latitude, is believed to come primarily from hot gas contained within the Local
Bubble. The units of the map are 10�6 counts s�1 arcmin�2.

Figure 3 we show a schematic view of the clouds as reconstructed from the data and projected
onto the Galactic plane [from 4]. In Figure 4 we show some recent absorption line data
from HST observations toward Sirius B, only 2.64 pc away. As can be seen there are two
velocity components in this direction, one of which corresponds with the cloud that surrounds
the heliosphere, known as the Local Interstellar Cloud (LIC). A recently proposed alternative
possibility to the multiple cloud picture is that all of the CLIC cloud material is part of a single

B. Y. Welsh et al.: NaI and CaII maps

Fig. 12. Plot of 3D spatial distribution of interstellar NaI absorption within 300 pc of the Sun as viewed in the galactic plane projection. Triangles
represent the sight-line positions of stars used to produce the map, with the size of the triangle being proportional to the derived NaI column
density. Stars plotted with vertex upwards are located above the galactic plane, vertex down are below the plane. White to dark shading represents
low to high values of the NaI volume density (nNaI). The corresponding iso-contours (yellow, green, turquoise and blue) for log nNaI = −9.5, −9.1,
−8.5 and −7.8 cm−3 are also shown. Regions with a matrix of dots represent areas of uncertain neutral gas density measurement.

galactic projection are the most accurate. In Fig. 12 we show the
spatial distribution of NaI density to 300 pc which clearly reveals
a large and highly irregularly shaped volume of space surround-
ing the Sun to a distance of ∼80 pc in most directions that is de-
void of dense condensations of cold and neutral gas clouds. This
region, of course, can be identified as the Local Cavity (LC). We
note that the LC is more elongated in galactic quadrants 3 and 4
compared with the other two quadrants, with quadrant 1 having
the smallest volume of low-density neutral gas. Our new map
also reveals for the first time that the LC (in the galactic plane)
can essentially be considered as two rarefied “sub-cavities” that
abut each other along a thin interstellar gas filament of low col-
umn density ((log N(NaI) ∼ 10.4 cm−2) at a distance of ∼15 pc
in the direction of l ∼ 345◦. One of these “sub-cavities” is mostly
contained within galactic quadrants 2 and 3 (and to a far lesser
extent within quadrant 1), with the majority of the other low

density “sub-cavity” mostly being contained within quadrant 4.
The appearance of smaller “cell-like” cavity structures bounded
by thin gas filaments is also hinted at in the equivalent maps of
CaII absorption and these will be discussed further in Sect. 5.1.

The relatively dense neutral gas wall that surrounds the LC
in the galactic plane has a typical depth of 50−80 pc in most
directions, but it is quite evident from the map that the LC
void is not fully enclosed by a continuous boundary of cold
and neutral gas. Instead, the LC can be best described as being
“porous” in the sense that it appears to be linked to several ad-
jacent interstellar cavities through narrow gaps in the surround-
ing neutral gas wall. These adjacent interstellar cavities include
the Loop I superbubble, the β CMa interstellar tunnel and the
Pleiades bubble, all of which were revealed in the preliminary
maps presented in Paper I. Our new map now reveals that the
tunnel of low interstellar gas density towards the direction of
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B. Y. Welsh et al.: NaI and CaII maps

Fig. 6. Galactic distribution of the interstellar sight-lines sampled by a)
NaI absorption, and b) CaII absorption. Both plots are centered at galac-
tic co-ordinate (0, 0).

Fig. 7. Plot of the equivalent width (mÅ) of the interstellar NaI D2-line
for stars with distances <400 pc. Filled triangles are for sight-lines with
galactic latitude b > +45◦, open squares for sight-lines with b = 0 to 45◦,
open circles for sight-lines with b = 0 to −45◦ and filled circles for sight-
lines with b < −45◦. Crosses are upper limit values. Note the sharp
increase in the level of NaI absorption at ∼80 pc, which is due to the
neutral wall to the Local Cavity.

<400 pc. Note that this plot does not include sight-lines that
have reported values of N(NaI), but no associated information
on the measured equivalent width. This figure, in agreement with
a similar plot shown in Sfeir et al. (1999), shows that very little
measurable NaI absorption can be detected for distances (in all
galactic directions) up to ∼80 pc from the Sun. This general
lack of appreciable NaI absorption (Wλ(D2) <∼ 5 mÅ) provides
clear evidence that the volume of the LC is essentially free of
major condensations of cold and dense neutral interstellar gas.

Fig. 8. Plot of the equivalent width (mÅ) of the interstellar CaII K-line
for stars with distances <400 pc. Symbols are the same as those
in Fig. 7.

Beyond ∼80 pc the level of NaI absorption rises sharply over
a short distance of ∼20 pc to reveal the presence of a dense
“wall” of neutral gas (Wλ(D2) > 20 mÅ) that surrounds the
LC in many galactic directions (Welsh et al. 1994). Beyond the
LC neutral boundary, which is normally characterized by a sin-
gle narrow velocity component in the NaI absorption profiles,
more and more NaI absorbing (cold) neutral interstellar clouds
are encountered as sight-line distances increase. In several galac-
tic directions with distances >300 pc the NaI D-lines become
increasingly saturated and we therefore generally see a slower
increase in equivalent width value with greater distance sam-
pled. However, we also note the presence of several sight-lines
with distances >250 pc that have minimal associated NaI ab-
sorption (plotted as open circles in Fig. 7). These are sight-lines
which extend into the lower galactic halo through the openings
of the Local Chimney, a region of known low neutral gas density
(Crawford et al. 2002). The nearest stars with distances less than
65 pc, but with “anomalously high” values of Wλ(D2) > 10 mÅ,
are HD 184006 (d = 38 pc), HD 159170 (d = 48 pc), HD 186882
(d = 52 pc), HD 105850 (d = 56 pc), HD 96819 (d = 58 pc) and
HD 129685 (d = 63 pc).

In contrast with studies of interstellar NaI, previous investi-
gations of CaII absorption have shown that the local ISM is com-
posed of many diffuse and partially ionized warm (T ∼ 7000 K)
cloudlets that possess a complex velocity structure, even over
distances as short as 5 pc (Crawford et al. 1998; Lallement et al.
1986). These cloudlets are randomly scattered within 50 pc of
the Sun and although are generally not revealed by NaI absorp-
tion measurements, they have been extensively studied at ultra-
violet wavelengths (Redfield & Linsky 2008). In Fig. 8 we show
that the behavior of CaII absorption as a function of distance
(to 400 pc) does not follow the same pattern that was found
in Fig. 7 for NaI measurements. For the majority of sight-lines
within ∼100 pc we mostly find Wλ(CaII-K) < 15 mÅ, with no
sharply increasing value of absorption at ∼80 pc that might fea-
sibly be associated with the presence of gas associated with the
boundary wall to the LC. Instead there seems to be a wide-spread
local distribution of partially ionized CaII regions with a range
of low integrated CaII absorption strengths that extends to at
least 100 pc. Beyond ∼100 pc we observe a slowly increasing
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Fig. 4. Examples of interstellar NaI D2 and D1 and CaII K and H-line absorption profiles together with best-fit models (thick line) recorded with
the FEROS spectrograph on the 2.2 m telescope at the European Southern Observatory in Chile. Dotted lines are the model components prior to
instrumental convolution. The best-fit component values of velocity (V), doppler-width (b) and column density (N) are listed in the box beneath
each profile.

removed this star from our compilation in Table 1. In total we
now present 1678 NaI and 1267 CaII interstellar sight-line ab-
sorption measurements, 1088 of which have common sight-line
measurements for both of these ions.

In Figs. 6a and b we show the galactic distribution of the re-
spective 1678 NaI and 1267 CaII sight-lines sampled. Although
the sky-coverage is significantly increased since Paper I, we note
some areas of the sky (e.g. l = 295◦, b = −45◦ and l = 160◦,
b = −75◦) remain sparsely sampled. This is primarily due to
the paucity of suitably bright O, B and A-type stellar targets in
these directions that can be observed in a reasonable exposure
time with the presently available instrumentation. Therefore any
conclusions derived from the mappings of interstellar absorption
towards both of these galactic directions must be viewed with
some caution. We also note that our selection of suitable targets

is biased against heavily reddened and visually faint (mv >∼ 6.5)
sight-lines, due to the practical restriction of ∼one hour of expo-
sure time per recorded spectrum.

3. Interstellar absorption mapping

The measurements of NaI and CaII equivalent width and col-
umn density measured along the 1857 sight-lines allows us to
probe the absorption characteristics of both neutral and partially
ionized local interstellar gas. Our underlying assumption is that
the NaI ion is a good tracer of of the total amount of neutral and
cold (T < 1000 K) interstellar gas along most galactic sight-lines
(Hobbs 1978). Similarly, the CaII ion is assumed to trace both
neutral and warmer (T ≤ 10 000 K) partially ionized gas clouds.
Previous high resolution studies of NaI and CaII absorption
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An example spectrum of Na I absorption 
line (Welsh et al. 2010)

Sightlines for Na I and Ca II 
absorption line observations
(Welsh et al. 2010)

3D spatial distribution of Na I absorption, 
as viewed in the Galactic plane 
projection. (Welsh et al. 2010)



• Emission Lines from the Local Bubble?
- At T ~ 106 K, hydrogen and helium is fully ionized. The most abundant heavy 

elements (oxygen, carbon, and neon) are primarily helium-like. The dominant forms 
of iron are Fe IX, X, and XI.

- The iron ions from Fe IX to Fe XI produce a cluster of emission lines near (λ ~ 180Å). 
About half of the radiated power come out in the form of these iron emission lines.

- Iron isn’t fully ionized until T > 2x108 K. At T ~ 107 K, the dominant forms are Fe XX 
and XXI.
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Figure 5.9: Simulated spectrum of solar-abundance low-density gas in CIE 
at T = l 06 K. Ionic species responsible for various emission lines are labeled. 
[Calculated using CHIANTI] 

xI; at T ~ l 07 K, the dominant forms are Fe xx and xx1. At temperatures near 
106 K, the iron ions from Fe IX to Fe XI produce a cluster of emission lines near 
hv::::::: 70 eV (,\,::::::: 180 A), as shown in Figure 5.9. For a gas with solar abundances, 
in collisional ionization equilibrium at T ~ l 06 K, about half the radiated power 
will come out in the form of these iron emission lines. However, observations 
at A~ 180 A by the Cosmic Hot Interstellar Plasma Spectrometer (CHIPS) have 
shown that the iron emission lines from the Local Bubble are much weaker 
than originally predicted. This is speculated to be due to a combination of iron 
depletion onto dust grains and a somewhat lower temperature (T::::::: 7 x 105 K) 
than was previously assumed. Also, collisional ionization equilibrium is a 
dubious assumption in this case. Since the Local Bubble is cooling, the ionization 
state is lagging behind what it would be in CIE, and the Fe is more highly ionized 
than CIE tells us. 

Since emission lines are lacking in the spectrum of the Local Bubble, we 
can fall back on absorption lines. One important pair of UV lines is due to 

Fig 5.9, Ryden [CHIANTI] - However, observations at λ ~ 180Å  by the 
Cosmic Hot Interstellar Plasma Spectrometer 
(CHIPS) showed that the Fe emission lines 
from the Local Bubble are much weaker than 
originally predicted.

- This might be attributable to (1) depletion of 
iron onto dust grains, (2) a somewhat lower 
temperature (7x105 K), and (3) delayed 
recombination.

- The Local Bubble is still being cooling, and Fe 
is more highly ionized than CIE tells us.



• Absorption Lines from the Local Bubble.
- One important pair of UV lines is the Lithium-like OVI doublet 1032Å (12.01 eV) and 

1038Å (11.95 eV). These lines are a major coolant for interstellar gas at T ~ 3x105 K.
- At T ~ 3x105 K, only ~ 25% of the total oxygen abundance is O VI (~35% is OV and 

~35% is OVII). However, the O VI doublet lines have a large cross section, and thus 
are readily observed even if the number density of OVI ions is small.

- To detect the OVI lines in absorption, we need background sources with Teff > 1.4x105 
K (12 eV). Main sequence stars are not this hot. So, we have to look at nearby, 
young, hot white dwarfs. In particular, white dwarfs of spectral type DA, which have 
only hydrogen lines in their spectra, are the best targets.

- The distribution of OVI in the Local Bubble appears to be patchy, and the mean 
density of OVI lies in the range N(OVI)/d ~ (0.7 - 13)x10-8 cm-3. (See Savage & 
Lehner 2006).

- The thermal broadening parameter was found to range from b = 15 km s-1 to 36 km 
s-1. From this, we can find a temperature:
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Figure 5.11: Location in galactic coordinates of 39 nearby hot DA white dwarfs 
in the study of Savage & Lehner. Circles have O VI detection; triangles are non-
detections at the 2a level. Grayscale indicates the column density of O VI toward 
white dwarfs with detections. [Savage & Lehner 2006] 

largest O VI column density of the 25 white dwarfs observed by Oegerle et al., 
with N(OVI) 2 x 1013 cm- 2 • This technique works best when applied to white 
dwarfs of spectral type DA, which have only hydrogen lines in their spectra. If 
the white dwarf has O VI absorption lines from its own photosphere, measuring 
the interstellar O VI absorption becomes much more difficult. 

The number of hot DA white dwarfs inside the Local Bubble is limited; 
Figure 5.11 shows a map of 39 which have been studied with FUSE. Of the 39 
white dwarfs observed, 24 of them have O VI lines detected at the 2a level along 
the line of sight. The distribution of O VI in the Local Bubble appears to be 
patchy. The mean density of O VI, along the lines of sight where it's detected, lies 
in the range N(OVI)/d (0.7 13) x 10- 8 cm- 3 , with adjacent lines of sight 
often having very different densities. For the lines of sight with the strongest 
detections, the thermal broadening parameter ranges from b = l 5 km s- 1 to 

Location in galactic coordinates of 39 nearby hot 
DA white dwarfs (Savage & Lehner 2006).

Circles have OVI detection; triangles are non-
detections at 2σ level.
Grayscale indicates the column density of OVI 
toward white dwarfs with detections.

Fig 5.11 [Ryden]

N(OVI) ⇡ 10
13 � 10

13.6
cm

�2

<latexit sha1_base64="YTd2aHCIwIcTxxVmXgZQX5RWPkc="></latexit>

region than in the southern Galactic region. Savage et al.
(2003) also discovered that the O VI column density is
systematically enhanced in the northern sky relative to the
southern sky. Small targets, which are not properly resolved in
the present maps with rather large smoothing kernels, have also
been analyzed in previous papers (Shinn et al. 2007; Kim et al.
2010a, 2010b). We note that the bright targets mentioned above
are, in general, located close to the Sun. For example, the Vela
and the Cygnus loop supernova remnants are at a distance of
250 pc and 440 pc, respectively. As we are interested in the
global distribution of hot gas on the Galactic scale rather than

individual targets, we first performed extinction correction
before further discussing the environment of the transition-
temperature gas as photons of FUV wavelengths suffer strong
attenuation by the interstellar dust grains.

2.3. Extinction Correction of the FUV Emission Maps

For an accurate estimation of the dust extinction of FUV
photons, it is obvious that detailed 3D distributions of the
interstellar dust, as well as the FUV sources, are required.
However, as they are unavailable, we made a simple
assumption that the FUV sources and interstellar dust are

Figure 4. (a) C IV map on a logarithmic scale of LU, (b) FWHM map of the 2D Gaussian kernel for the C IV map, (c) O VI map on a logarithmic scale of LU, and
(d) FWHM map of the 2D Gaussian kernel for the O VI map. The gray areas represent the regions where observations were not made or the SNR was low.
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uniformly mixed. For this simple case, the extinction-corrected
line intensity (Icorr) is related to the observed line intensity (I )
as follows:

U
� q

� U�
I I

e1
, 1corr ( )

where τ is the optical depth along the line of sight (e.g., Natta
& Panagia 1984). The optical depths of C IV and O VI lines are
given by

U M� q � _E B V7.3 at 1550 , 2C IV ( ) Å ( )
U M� q � _E B V11.8 at 1035 , 3O VI ( ) Å ( )

based on the Milky Way extinction curve of Weingartner &
Draine (2001) for RV=3.1. We downloaded the E(B – V ) map
(Schlegel et al. 1998) from the Legacy Archive for Microwave
Background Data Analysis and pixelated it using the HEALPix
scheme with a resolution parameter of Nside=64, corresp-
onding to the pixel size of the FUV line maps. Then, the
E(B – V ) map was convolved with the 2D Gaussian kernels,5

whose smoothing size was the same as those of the
corresponding C IV and O VI maps. Finally, the smoothed

Figure 4. (Continued.)

5 http://lambda.gsfc.nasa.gov/product/foreground/f_products.cfm
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LU (Line Unit) = photons cm-2 s-1 sr-1 
Jo, Seon, et al. (2019, ApJS)

C IV 1548, 1551Å

O VI 1032, 1038Å

FUV Emission Line Maps of the Milky Way
(FIMS/SPEAR, STSAT-1)
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• Observational Evidence on the presence of dust grains in the ISM
- Wavelength-dependent attenuation (“extinction”) of starlight by absorption and 

scattering, observable in a wavelength range of 20μm to 0.1 μm. The extinction 
includes a number of spectral features that provide clues to grain composition.

- Wavelength-dependent polarization of starlight
- Scattered light in reflection nebulae
- Thermal emission from dust, at wavelengths ranging from the sub-mm to 2μm.
- Small-angle scattering of X-rays, resulting in “scattering halos” around X-ray point 

sources.
- Microwave emission from dust, probably from rapidly spinning ultra-small grains.
- Luminescence when dust is illuminated by starlight — the so-called extended red 

emission.



• Extinction = Absorption + Scattering
- Dust particles can scatter light, changing its direction of 

motion. When we look at a reflection nebula, like that 
surrounding the Pleiades, we are seeing light from the central 
stars that has been scattered by dust into our line of sight.

- Dust particles can also absorb light. The relative amount of 
scattering and absorbing depends on the properties of the 
dust grains.

- When we look at a distant star through the intervening dust, 
the excess dimming of the star is caused by a combination of 
scattering and absorbing as extinction.

• Thermal radiation from Dust
- When dust absorbs light, it becomes warmer, so dust grains 

can emit light in the form of thermal radiation. Most of this 
emission is at wavelengths from a few microns (near IR) to 
the sub-mm range (Far-IR).

• Polarization
- The polarization of starlight was discovered in 1949 (Hall 

1949).
- The degree of polarization tends to be larger for stars with 

greater reddening, and stars in a given region of the sky tends 
to have similar polarization directions.
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PLATE II. 

PHOTOGRAPH OF THE MILKY WAY NEAR THE STAR THETA OPHIUCHI. 

Figure 6.1: Photograph by E. E. Barnard of the dark structures near 8 Ophiuchi. 
[Barnard 18 9 9] 

north and south of the bright star ... seem to me to be undoubtedly dark structures, 
or obscuring matter in space, which cut out the light from the nebulous or 
stellar regions behind them." To our experienced eyes, the dark structures near 
8 Ophiuchi are undeniably dust features, but the contemporaries of Ranyard 
had their doubts. The existence of interstellar dust wasn't universally accepted 
until the work of Robert Trumpler in 1930. 

Trumpler was making a study of open clusters within our galaxy. Assuming 
that clusters with similar numbers of stars had a similar physical diameter, he 
used them as standard yardsticks to compute a "diameter distance". Assuming 
that clusters with similar numbers of stars had a similar luminosity, he used 
them as as standard candles to compute a "photometric distance". What he 
found when he plotted diameter distance versus photometric distance is shown 
in Figure 6.2. If Trumpler assumed that open clusters were dimmed solely by 
the inverse square law of flux, then the photometric distances that he estimated 
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Figure 6.3: The Pleiades cluster and surrounding reflection nebulae 
[NASA/BSA/Caltech/ AURA] 

6.1 Observed Properties of Dust 

Although sample-return missions have given us samples of interplanetary dust 
to play with, the properties of more distant interstellar dust must be deduced 
indirectly, primarily by the effect of dust on electromagnetic radiation. Dust 
particles can scatter light, changing its direction of motion. When we look 
at a reflection nebula, like that surrounding the Pleiades (Figure 6.3), we are 
seeing light from the central stars that has been scattered by dust into our line 
of sight. Dust particles can also absorb light. The relative amount of scattering 
and absorbing depends on the properties of the dust grains. When we look 
at a distant star through the intervening dust, the excess dimming of the star 
is caused by a combination of scattering and absorbing. Usually, astronomers 
refer to the net result of scattering and absorbing as extinction. Extinction can 
be dependent on the polarization of the light being extinguished, so dust can 
polarize light from distant stars. 

When dust absorbs light, it becomes warmer, so dust grains can emit light 
in the form of thermal radiation. Most of this emission is at wavelengths from 
a few microns (near infrared) to the sub-millimeter range (far infrared). By 

The Pleiades cluster and surrounding 
reflection nebulae (Fig. 6.3, Ryden)

The dark structures near θ Ophiuchi 
(Barnar 1899; Fig. 6.1, Ryden)



Dust matters!
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• Importance of Dust
- In our Galaxy, the gas-to-dust ratio is about 100:1 by mass. Since the ISM is about 

10% of the baryonic mass of the Galaxy, dust grains comprise roughly 0.1% of the 
total baryonic mass.

- Dust grains absorb roughly 30-50% of the starlight emitted by the Galaxy and re-emit 
it as far-infrared continuum emission. This means that only 0.1% of the baryons 
are ultimately responsible for a third to a half of the bolometric luminosity of 
the Galaxy.

- Dust grains are the central to the chemistry of interstellar gas. The abundance of H2 
in the ISM can only be understood if catalysis on dust grains is the dominant 
formation avenue.

- The formation of planetary system is believed to begin when dust grains in a 
protostellar disk begin to coagulate into larger grains, leading to planetesimals and 
eventually to planets, carrying their complex organic molecules with them.



Interstellar Extinction
• History - extinction

- Barnard (1907, 1910) was apparently the first to realize that some stars were dimmed 
by an “absorbing medium.”

- Trumpler (1930) showed that the stars in distant open clusters were dimmed by 
something in addition to the inverse square law, and concluded that interstellar space 
in the galactic plane contained “fine cosmic dust particles of various sizes… 
producing the observed selective absorption.”

• Pair method
- Trumpler compared the spectra of pairs of stars with identical (or similar) spectral 

type, one with negligible obscuration and the other extinguished by dust along the line 
of sight. This method remains our most direct way to study the “selective extinction” 
or “reddening” of starlight by the interstellar dust.

34Interstellar Dust 

IV-3 

IV-1 Interstellar Extinction 
The manifestation of interstellar dust that first brought it to our attention is its ability to extinguish 
starlight passing through it.  The most dramatic manifestations of interstellar dust are the dark clouds 
cataloged by E. E. Barnard at the beginning of the 20th century, many of which can be seen with the 
naked eye in the Milky Way. 

The simplest case we can deal with is that of a distant star or other object behind a dusty region.  In 
this case, the equation of radiative transfer can be solved simply in the pure-absorption case: 

OW
OO

� eII 0,  
Here IO,0 is the true spectrum of the source, IO is the observed spectrum, and WO is the dust optical depth 
along the line of sight. 

This form assumes that all of the extinction lines between the source and us (the so-called “dust-screen 
geometry”), and that there is no scattering of extraneous light into our line of sight (no source function 
in the transfer equation).  The optical depth of the dust as a function of wavelength is parameterized in 
terms of an “Interstellar Extinction Curve”. 

Classically, the interstellar extinction curve is measured by comparing the spectra of pairs of stars with 
identical spectral type (e.g., two B8 stars), one in the “clear” and the other extinguished by dust along 
the line of sight. 

O

FO

Unreddened Star

Reddened Star

 
Figure IV-1: Effect of extinction on a stellar spectrum.  Extinction is both a total 
diminution of the stellar light, and is wavelength-selective, in the sense that bluer 
wavelengths are more extinguished than red wavelengths. 

It was quickly established that the interstellar extinction curve has a nearly universal form with 
wavelength along most sight lines, so that it is possible to write 

)(OW O fconst u  
The constant is a scaling factor parameterizing the amount of total extinction along the line of sight to 
a particular source, while the wavelength-selective extinction function, f(O), is universal (i.e., the same 
for all sources).  The exact form of f(O) depends on the physics of the dust grains, and its near-
universality suggests that the distribution of grain properties (composition and sizes) is similar 
everywhere.  We will need to qualify what we mean by “universal”, however, as, Nature is not so 
simple, and interesting variations in the “universal” extinction law abound. 

It is conventional at UV-to-NIR wavelengths to express the interstellar extinction curve in units of 
magnitudes, AO, normalized in terms of a color excess that represents the selective extinction: 

VB AAVBE � � )(  

‣ Because atomic hydrogen absorbs strongly 
for  , it is possible to measure 
the contribution of dust to the attenuation of 
light only at   or λ > 912 Å.

h⌫ > 13.6 eV
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• Extinction
- Astronomers characterize the attenuating effects of dust by the “extinction”   at 

wavelength λ. The extinction at a particular wavelength λ, measured in “magnitudes” 
is defined by the difference between the observed magnitude   and the 
unabsorbed magnitude  :

- The extinction measured in magnitudes is proportional to the optical depth:

A�
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= the observed flux from the star

= the flux that would have been observed if the only attenuation had been 
from the inverse square law.

A� = 2.5 log10 (e
⌧�) = 2.5 log (e)⇥ ⌧�

= 1.086⌧�
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• The Reddening Law, Extinction Curve
- Extinction curve - the extinction Aλ as a function of wavelength or frequency
‣ A typical extinction curve shows the rapid rise in extinction in the UV.
‣ The extinction increases from red to blue, and thus the light reaching us from stars will 

be “reddened” owing to greater attenuation of the blue light.
‣ The reddening by dust is expressed in terms of a color excess; for instance,

‣ The detailed wavelength dependence of the extinction - the “reddening law” - is sensitive 
to the composition and size distribution of the dust particles.

‣ The slope of the extinction at visible wavelengths is characterized by the dimensionless 
ratio, the ratio of total to selective extinction:

‣        ranges between 2 and 6 for different lines of sight. Sightlines through diffuse gas in the 
Milky Way have                   as an average value. Sightlines through dense regions tend 
to have larger values of       . In dense clouds, the value                 is typically adopted.
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‣ Observed extinction curves vary in shape from one line of sight to another.
‣ Extinction curve, relative to the extinction in the Cousins I  band (λ = 8020Å), as a function 

of inverse wavelength, for Milky Way regions characterized by different values of RV.
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Figure 21.2 Extinction at wavelength λ, relative to the extinction in the Cousins I
band (IC = 8020 Å), as a function of inverse wavelength λ−1, for Milky Way regions
characterized by different values of RV ≡ AV /(AB − AV ) ≡ AV /E(B − V ),
where AB is the extinction at B = 0.44µm, AV is the extinction at V = 0.55µm,
and the “reddening” E(B − V ) ≡ AB − AV . The curves shown are from the one-
parameter family of curves fCCM

1 (λ) parameterized by RV (see §21.2). Also shown
is the extinction curve toward the star HD210121 (with RV = 2.1), showing that it
differs from the CCM extinction curve fCCM

1 for RV = 2.1. Note the rapid rise in
extinction in the vacuum ultraviolet (λ <∼ 0.15µm) for regions with RV <∼ 4. The
normalization per H nucleon is approximately AIC/NH ≈ 2.9× 10−22mag cm2/H.
The silicate absorption feature (see §23.3.2) at 9.7µm and the diffuse interstellar bands
(see §23.3.4) are barely visible.

light. The detailed wavelength dependence of the extinction – the “reddening law”
– is sensitive to the composition and size distribution of the dust particles.

Observed extinction curves vary in shape from one line of sight to another. The
slope of the extinction at visible wavelengths is characterized by the dimensionless
ratio

RV ≡ AV

AB −AV
≡ AV

E(B − V )
, (21.3)

where AB and AV are the extinctions measured in the B (4405 Å) and V (5470 Å)
photometric bands, and E(B − V ) ≡ AB −AV is the “reddening.”

Sightlines through diffuse gas in the Milky Way have RV ≈ 3.1 as an average
value. The extinction Aλ, relative to AV , is given in Table 21.1 for a number of

Fig 21.2 Draine

Cardelli et al. (1989) showed that 
the optical-UV extinction can be 
approximated by a one-parameter 
family of curves, parameterized by 
RV,

Fitzpatrick (1999) recommends a 
slightly modified function, which has 
been used to generate the synthetic 
extinction curves shown in the left 
side.

The extinction model was extended 
into the infrared by Draine (1989).

Note that the extinction curve 
toward the star HD210121 (with RV 
= 2.1) differs from the CCM 
extinction curve for RV = 2.1.

A�/A�ref ⇡ fCCM
1 (�; RV )
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- If the dust grains were large compared to the wavelength, we would be in the 
“geometric optics” limit, and the extinction cross section would be independent of 
wavelength (gray extinction), with               .
‣ The tendency of the extinction to rise with decreasing λ, even at the shortest ultraviolet 

wavelengths tells us that grains smaller than the wavelength must be making an 
appreciable contribution to the extinction at all observed wavelengths, down to λ = 0.1μm.

‣ As we will see later, “small” means (approximately) that                   . Thus interstellar dust 
must include a large population of small grains with                       .

- The dust appears to be relatively well-mixed with the gas (Bohlin et al. 1978; 
Rachford et al. 2009):

‣ For sightlines with                  , this implies that

‣ Thus, even at high galactic latitudes, where the column density of hydrogen is ~ 1020 cm-2, 
there is still some foreground extinction when looking at extragalactic sources; ~ 0.05 
magnitudes in the V band.
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• Scattering of Starlight
- When an interstellar cloud happens to be 

unusually near one or more bright stars, we 
have a reflection nebula, where we see 
starlight photons that have been scattered by 
the dust in the cloud.

- The spectrum of the light coming from 
from the cloud surface shows the stellar 
absorption lines, thus demonstrating that  
scattering rather than some emission process 
is responsible.

- Given the typical size of interstellar dust 
grains, blue light is scattered more than red 
light. A reflection nebulae is typically blue 
(so for the same reason that the sky is blue, 
except it's scattering by dust (for the reflection 
nebula) vs by molecules (for the earth's 
atmosphere)).

- By comparing the observed scattered intensity 
with the estimated intensity of the starlight 
incident on the cloud, it is possible to infer the 
albedo of the dust - the ratio of scattering 
cross section to extinction cross section.
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Diffuse Galactic Light (DGL)

- The term DGL denotes the diffuse 
component of the galactic background 
radiation which is produced by 
scattering of stellar photons by dust 
grains in interstellar space.

- The DGL is most intense in directions 
where the dust column density and the 
integrated stellar emissivity are both 
high.



- The study of dust scattering properties has shed light on the nature of the 2175Å bump and 
the far-ultraviolet rise features of extinction curves.

- Lillie & Witt (1976) and Calzetti et al. (1995) showed that the 2175Å bump was likely an 
absorption feature with no scattered component.

- The current data indicates the wavelength dependence of the albedo is ~ 0.6 in the NIR/
optical with a dip to ~ 0.4 for 2175Å bump, a rise to ~ 0.8 around 1500Å, and a drop to ~0.3 
by 1000Å.
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The determinations of the albedo in 
reflection nebulae, dark clouds, and 
the DGL are plotted versus 
wavelength.

Predictions from dust grain models 
are also plotted for comparison.

Karl D. Gordon,
2004, ASPC, 309, 77

2175Å UV bump



• Polarization of Starlight by Interstellar Dust
- Initially unpolarized light propagating through the ISM becomes linearly polarized as a 

result of preferential extinction of one linear polarization mode relative to the other.
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credit: B-G Andersson

The starlight is slightly more blocked 
along the long axis of the grains 
than along the short axis. This give 
rise to the polarization of starlight.
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[Fig 21.3, Draine; Heiles (2000)]



- The polarization percentage typically peaks near the V band (5500Å), and can be empirically described 
by the “Serkowski law” (Serkowski 1973):

- The reason that the light becomes polarized is that some fraction of the dust grains are elongated and 
that their long axes line up in the same direction. When they do, the light is slightly more blocked along 
the long axis of the grains than along the short axis - and polarization results. 

- The polarization is produced by dust grains that are somewhat partially aligned by the interstellar 
magnetic field. The grains are appeared to be aligned with their shortest axes tending to be parallel to 
the magnetic field direction.

- The decline of polarization towards the UV reflects that small grains apparently do not contribute 
appreciably to the polarization, either because they are more spherical or because they are not well 
aligned.
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Figure 4.7. Interstellar linear polarization curves for two stars with different values of the
wavelength of maximum polarization. Top: HD 204827 (full circles, λmax = 0.42 µm);
bottom: HD 99872 (open circles, λmax = 0.58 µm). Observational data are from Martin
et al (1999) and references therein. Also shown are empirical fits based on the Serkowski
law: VIR-optimized fit (broken curve); VUV-optimized fit (dotted curve); compromise fit
(full curve).

The mathematical representation of Pλ provided by the Serkowski law has
practical applications allowing, for example, reliable interpolation to wavelengths
other than standard passbands. However, it should be remembered that it is an
empirical law and cannot be related directly to theory (although we may hope
to reproduce it by appropriate choice of models). Its significance lies in the fact
that the key parameter, λmax, is a physically meaningful quantity, related to the
average size of the polarizing grains: λmax has status as a polarization parameter
analogous to RV for extinction (section 3.4.3). We noted in section 4.1 that for
dielectric cylinders of radius a and refractive index n, polarization is produced
most efficiently when the quantity 2πa(n − 1)/λ is close to unity and hence

λmax ≈ 2πa(n − 1). (4.21)

HD 204827

HD 99872

�max = 0.42µm
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[Fig 4.7, Whittet, Dust in the Galactic Environment]



• Polarized Infrared Emission
- The far-IR emission from aligned dust grains will also be polarized, this time with a direction along 

the long axis of the grains. Far-IR polarization has been observed for a large number of molecular 
clouds that have “high” dust emission optical depths at long wavelengths (~ 0.1-1 mm).

• Polarization due to scattering
- Scattering of light by dust grains generally also lead to polarization.
- For single scattering, the polarization vector is perpendicular to the line connecting the light 

source and the scattering grain.
- The degree of polarization and its distribution provide information on the characteristics of the 

scattering grains and the geometry of the nebula.
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Figure 5.12 The linear polarization of the infrared reflection nebula associated
with the region of massive star formation in Orion. The linear polarization
vectors measured at K are superimposed on a map of the scattered light intensity.
The arrows point back towards the illuminating source. Figure reproduced with
permission from M.W. Werner, R.W. Capps, and H. L. Dinerstein, 1983, Ap. J.,
265, p. L13.

With an RV of 3.1, this corresponds to

N !HI"+2N !H2"

AV
= 1#9×1021atomscm−2 magnitude−1# (5.96)

If we assume that the visual extinction is due to 1000Å grains (e.g., 2$a # %)
with Qext!V" # 1 and a typical specific density of 2.5 g cm−3, we arrive at a
dust-to-gas mass ratio of 1#1×10−2. There are notable variations. For the star &
Oph, located behind a dense cloud, the hydrogen column density to color excess
ratio is 1#5×1022 atoms cm−2 magnitude−1. Even after taking the increased RV

(5.1) into account, this still implies a decreased visual extinction per H nucleus
in this dense environment.

Linear polarization of the IR reflection 
nebula associated with the region of 
massive star formation in Orion.
The linear polarization vectors 
measured at K are superimposed on a 
map of the scattered light intensity.

[Werner et al. 1983, ApJ, 265, L13]



Luminescense
• Extended Red Emission (ERE)

- Many dusty objects — including the diffuse ISM, dark clouds, reflection nebulae, post-AGB objects, 
planetary nebulae, HII regions, and starburst galaxies — show a broad (Δλ = 600-1000Å), featureless 
emission band in the red part of the spectrum (6000-8000Å). This is called extended red emission (ERE).

- The ERE cannot be due to thermal emission but rather represents a luminescence process whereby an 
absorbed UV or visible photon is down-converted to the ERE range.

- Various forms of carbonaceous materials and crystalline silicon nanoparticles have been proposed as 
carries of ERE. In particular, Witt et al. (1998) and Ledoux et al. (1998) suggested crystalline silicon 
nanoparticles with 15-50Å diameters as the carrier on the basis of experimental data showing that 
silicon nanoparticles could provides a close match to the observed ERE spectra and satisfy the quantum 
efficiency requirement.

• What is (photo)luminescence?
- Luminescence (냉광) is any emission of light from a substance that does not arise from heating. 

Incandescence (백열광) is light emission due to the elevated temperature of a substance, such as a 
glowing hot ember.

- (Photo)luminescence is the emission of light from a material following the absorption of light (photo-
excitation).

- Fluorescence (형광) is prompt (photo)luminescence that occurs very shortly after photo-excitation of a 
substance, while phosphorescence (인광) is long-lived (photo)luminescence that continues long after 
the photo-excitation has ceased.
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Infrared Emission
• Infrared Emission

- Dust grains are heated by starlight, and cool by 
radiating in the infrared.

- Along a typical line of sight through our galaxy, the 
ratio of dust IR emission to the hydrogen column 
density tells us the IR luminosity per hydrogen 
nucleus:

- The IR spectrum provides very strong constraints on 
grain models.

- There are two components: a cold (T ~ 15-20 K) 
component emitting mainly at long wavelengths (far-
IR) and a hot (T ~ 500 K) component dominating 
the near- and mid-IR emission.
‣ The cold component is due to large dust grains in 

radiative equilibrium with the interstellar radiation field.
‣ The hot component  is due to ultra small grains and 

PAH species that are heated by a single UV photon to  
temperatures of ~ 1000 K and cool rapidly in the near- 
and mid-IR.
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Figure 21.6 Observed infrared emission per H nucleon from dust heated by the av-
erage starlight background in the local Milky Way. Crosses: IRAS (Boulanger &
Perault 1988); squares: COBE-FIRAS (Wright et al. 1991); diamonds: COBE-DIRBE
(Arendt et al. 1998); heavy curve: IRTS (Onaka et al. 1996; Tanaka et al. 1996). The
interpolated dotted line is used to estimate the total power.

on grain models, as the dust must include a component that can account for the
fact that ∼ 35% of the radiated power is shortward of 50µm, including the strong
emission features at ∼ 12µm and 6 − 8µm. Models for interstellar dust that can
reproduce this emission spectrum will be discussed in §24.

21.8! Luminescence

The energy absorbed by dust grains is primarily reradiated in the mid- and far-IR,
but there is evidence that dust grains also emit light at optical and near-IR wave-
lengths. Studies of reflection nebulae indicate that there is more light emerging
at wavelengths 6000 − 8000 Å than can be accounted for by scattering alone, and
this excess is ascribed to luminescence from dust grains following absorption of
shorter-wavelength photons [see the review by Witt & Vijh (2004)]. Luminescence
at 6000 to 8000 Å is also termed “extended red emission,” or ERE. Luminescence
in the blue has also been reported (Vijh et al. 2005). Candidate materials to ex-
plain this luminescence must of course reproduce the observed luminescence spec-
trum. The luminescing materials have not yet been conclusively identified. The
blue luminescence may be produced by neutral PAHs (Vijh et al. 2005), and PAH
di-cations (PAH++) may be responsible for the ERE (Witt et al. 2006).

Observed IR emission per H nucleon 
from dust heated by the average starlight 
background in the local Milky Way.

[Fig 21.6 Draine]



What are the dust grains made of?
• Observational Constraints

- Interstellar Depletion: Certain elements appears to be underabundant  or “depleted” 
in the gas phase. The observed depletions tell us about the major elemental 
composition of interstellar dust.

- Spectroscopy: We would observe spectroscopic features that would uniquely 
identify the materials, and allow us to measure the amounts of each material present. 
But, it is difficult to apply this approach to solid materials because: (1) the optical and 
UV absorption is largely a continuum; and (2) the spectral features are broad, making 
them difficult to identify conclusively.

- Extinction:
‣ The wavelength dependence of the extinction curve provides constraints on the 

interstellar grain size distribution.
‣ What materials could plausibly be present in the ISM in quantities sufficient to 

account for the observed extinction? A Kramers-Kronig integral over the observed 
extinction indicates that the total grain mass relative to total hydrogen mass:
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Interstellar Depletion
- Condensible elements:
‣ Hydrogen: There is no way to have hydrogen contribute appreciably to the grain mass (even 

polyethylene (CH2)n is 86% carbon by mass).
‣ The noble gases (He, Ne, Ar, Kr, Xe…) and nitrogen(N), zinc (Zn), and sulfur (S) are examples 

of species that generally form only rather volatile compounds. They are observed to be hardly 
depleted at all.

‣ The only way to have a dust/H mass ratio of 0.0056 or higher is to build the grains out of the 
most abundant condensible elements: C, O, Mg, Si, S, and Fe (refractory materials; 내열성물질).
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Figure 23.1 Gas-phase abundances (relative to solar) in the diffuse cloud toward
ζ Oph, plotted versus “condensation temperature” Tcond (see text). Data from Morton
(1975), Savage et al. (1992), Cardelli et al. (1993), Federman et al. (1993), Crinklaw
et al. (1994). Solid symbols: major grain constituents C, Mg, Si, Fe. The C abundance
has been calculated assuming f(C II]2325 Å) = 1.0× 10−7 (see text). The apparent
overabundance of S may be due to observational error, but may also arise because of
S II absorption in the H II region around ζ Oph.

star only 138 pc away. Absorption-line spectroscopy has allowed the gas-phase
abundances of many of the elements to be measured. These abundances, relative to
solar, are shown for 20 elements in Fig. 23.1.

Table 23.1 gives the gas-phase abundances for 10 major elements. Determination
of the column density of C II (accounting for most of the gas-phase carbon) relies on
knowledge of the oscillator strength of the weak intersystem line C II]2325 Å. Ta-
ble 23.1 gives the gas-phase carbon abundances estimated using f(C II]2325 Å) =
4.78×10−8 from Morton (2003), but also for f(C II]2325 Å) = 1.0×10−7, as ap-
pears to be required to reconcile abundances estimated using the 2325 Å line (Sofia
et al. 2004) with C II abundances estimated using strong lines (Sofia & Parvathi
2010).

If we assume that the total abundance of each element is equal to the current
best-estimate of the solar abundance, then the difference between solar abundance
and the observed gas-phase abundance will tell us what contribution that element
makes toward the dust mass in the cloud toward ζ Oph. This inventory is carried
out in Table 23.1.

Gas-phase abundances (relative to solar) in the 
diffuse cloud toward ζ Oph, plotted versus 
“condensation temperature”

- Abundance Constraints toward ζ Oph
‣ Nitrogen is present at its solar 

abundance.
‣ C abundance is at ~  35% of its solar 

value.
‣ O abundance is at ~ 55% of its solar 

value.
‣ Mg is at ~ 11%.
‣ Si is at ~ 5%.
‣ Fe is at ~ 0.4%.



Gas-phase abundance vs. Condensation Temperature
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Figure 23.1 Gas-phase abundances (relative to solar) in the diffuse cloud toward
ζ Oph, plotted versus “condensation temperature” Tcond (see text). Data from Morton
(1975), Savage et al. (1992), Cardelli et al. (1993), Federman et al. (1993), Crinklaw
et al. (1994). Solid symbols: major grain constituents C, Mg, Si, Fe. The C abundance
has been calculated assuming f(C II]2325 Å) = 1.0× 10−7 (see text). The apparent
overabundance of S may be due to observational error, but may also arise because of
S II absorption in the H II region around ζ Oph.

star only 138 pc away. Absorption-line spectroscopy has allowed the gas-phase
abundances of many of the elements to be measured. These abundances, relative to
solar, are shown for 20 elements in Fig. 23.1.

Table 23.1 gives the gas-phase abundances for 10 major elements. Determination
of the column density of C II (accounting for most of the gas-phase carbon) relies on
knowledge of the oscillator strength of the weak intersystem line C II]2325 Å. Ta-
ble 23.1 gives the gas-phase carbon abundances estimated using f(C II]2325 Å) =
4.78×10−8 from Morton (2003), but also for f(C II]2325 Å) = 1.0×10−7, as ap-
pears to be required to reconcile abundances estimated using the 2325 Å line (Sofia
et al. 2004) with C II abundances estimated using strong lines (Sofia & Parvathi
2010).

If we assume that the total abundance of each element is equal to the current
best-estimate of the solar abundance, then the difference between solar abundance
and the observed gas-phase abundance will tell us what contribution that element
makes toward the dust mass in the cloud toward ζ Oph. This inventory is carried
out in Table 23.1.

Gas-phase abundances (relative to solar) in the diffuse cloud toward 𝜻 Ophiuchi (O9.5V star, 138 pc), plotted 
versus “condensation temperature”. Solid symbols: major grain constituents C, Mg, Si, Fe.  The apparent 
overabundance of S may be due to observational error, but may be arise because of S II absorption in the H 
II region around 𝜻 Oph. There’s a strong tendency for elements with high Tcond to be under abundant in the 
gas phase, presumably because most of the atoms are in solid grains.

Condensation temperature : temperature at which 50% of the element in question would be incorporated into 
solid material in a gas of solar abundances, at LTE at a pressure p = 102 dyn cm-2 (Lodders 2003).

Figure 23.1 in [Draine]



• With the elements providing the bulk of the grain volume identified, we can limit 
consideration to the following possible materials:
- Silicates
‣ pyroxene composition
‣ olivine composition

- Oxides of silicon, magnesium, and iron (e.g., SiO2, MgO, Fe3O4)
- Carbon solids (graphite, amorphous, and diamond)
- Hydrocarbons (e.g., polycyclic aromatic hydrocarbons)
- Carbides, particularly silicon carbide (SiC)
- Metallic Fe
- Other elements (e.g., Ti, Cr, Al, and Ca) are also present in interstellar grains, but 

because of their low abundances, they contribute only a minor fraction of the grain 
mass.
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• The extinction keeps rising throughout the IR, visible and near- and far-UV 
wavelength range.
- Babinet’s theorem: Since extinction “saturates” when the grain size becomes 

comparable to or bigger than the wavelength (         ), interstellar grains have to span a 
range of sizes.

- Mie theory: The extinction at wavelength     is mainly due to a grain size                .
‣ The visible extinction is then due to grains with a typical size of 2000Å.
‣ The UV extinction, on the other hand, reflects the presence of grains with sizes in the range 

of 50-200Å.

- Size of dust grains:

‣ Ascribing the observed visual extinction per H to ~ 2000Å grains implies an abundance of 
such grains of ~ 4x10-13.

‣ Similarly, the 10 times higher FUV extinction per H atom results in an abundance of ~ 100Å 
grains of 2x10-9.

Extinction Curve - The sizes of Interstellar Grains
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Observed Spectral Features of Dust
• The 2175Å Feature (UV bump)

- The strongest feature in the interstellar extinction curve is a broad “bump” centered at ~ 2175Å 
where there is additional absorption above the rough 1/λ behavior at adjacent wavelengths.
‣ The feature is well-described by a Drude profile.

‣ The central wavelength is nearly identical on all sightlines, but the width varies significantly 
from one region to another.

‣ The strength of the feature is a strong function of the metallicity of the gas, with the UV bump 
appearing slightly weaker in the LMC extinction curve (metallicity ~ 50% solar), but essentially 
absent in the SMC extinction curve (metallicity ~10% solar).

- The strength of this feature implies that the responsible material must be abundant: it must be 
made of H, C, N, O, Mg, Si, S, or Fe.

- Small graphite grains would have a strong absorption peak at about this frequency, due to π ⇒ π* 
electronic excitations in the sp2-bonded carbon sheets.
‣ It seems most likely that the 2175Å feature is due to some form of sp2-bonded carbon material.
‣ This is generally attributed to particles rich in carbon, either in the form of graphite, 

hydrogenated amorphous carbon grains, or various aromatic forms of carbon, but models have 
not yet succeeded in reproducing all the details (the width of the feature).

- Alternatives have been suggested. OH- on small silicate grains.
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• Mid-Infrared Silicate Features:
- There is a conspicuous IR absorption feature at 9.7μm. Silicate minerals generally have 

strong absorption responses due to the Si-O stretching mode near 10μm.
- It seems virtually certain that the interstellar 9.7μm feature is due to silicates. This conclusion 

is strengthened by the fact that the 10μm emission feature is seen in the outflows from 
oxygen-rich stars (which would be expected to condense silicate dust) but not in the outflows 
from carbon-rich stars.

- Near 18μm, interstellar dust shows another feature, attributable to the Si-O-Si bending mode 
in amorphous silicates.
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ternatives have been suggested [e.g., OH− on small silicate grains (Steel & Duley
1987; Bradley et al. 2005)], it seems most likely that the 2175 Å feature is due to
some form of sp2-bonded carbon material.

23.3.2 Silicate Features at 9.7 µm and 18 µm

There is a conspicuous infrared absorption feature at 9.7µm, shown in Fig. 23.2
(and later in Fig. 23.6). Silicate minerals generally have strong absorption reso-
nances due to the Si-O stretching mode near 10µm, and it seems virtually certain
that the interstellar 9.7µm feature is due to silicates. This conclusion is strength-
ened by the fact that the 10µm emission feature is seen in the outflows from
oxygen-rich stars (which would be expected to condense silicate dust) but not in
the outflows from carbon-rich stars. The interstellar 9.7µm feature is seen both
in emission [e.g., in the Trapezium region in Orion (Gillett et al. 1975a)] and in
extinction in the interstellar medium (Roche & Aitken 1984). Sightlines within a
few kpc of the Sun have AV /∆τ9.7 ≈ 18.5± 2 (see Table 1 of Draine 2003a), but
sightlines to sources near the Galactic Center have AV /∆τ9.7 = 9 ± 1 (Roche &
Aitken 1985).

Near 18µm, interstellar dust shows another feature, attributable to the Si-O-Si
bending mode in amorphous silicates.

Figure 23.2 Infrared extinction curve. The 8 to 13µm silicate profile is as observed
toward the Galactic Center by Kemper et al. (2004), but with AV /∆τ9.7µm = 18.5,
as appropriate for sightlines through diffuse gas within a few kpc of the Sun (see Table
1 of Draine 2003a). The 3.4µm C–H stretching feature is indicated.

IR extinction curve.
[Fig 23.2 Draine]

The fact that the 9.7μm band is fairly featureless, 
unlike what is seen in laboratory silicate crystals, 
suggests that this “astrophysical” silicate is primarily 
amorphous rather than crystalline in nature.



• The 3.4μm Feature
- There is a broad absorption feature at 3.4μm that 

is almost certainly due to the C-H stretching mode 
in “aliphatic” hydrocarbons (organic molecules with 
carbon atoms joined in straight or branched 
chains).

- The 3.4μm C-H feature is found to be weaker 
(relative to the overall extinction) in dark clouds 
than in diffuse clouds (Shenoy et al. 2003), which 
has been interpreted as evidence that the C-H 
bonds responsible for the 3.4μm feature are 
destroyed in molecular clouds, perhaps as the 
result of cosmic ray irradiation, and regenerated 
when carbonaceous grains are exposed to atomic 
hydrogen in diffuse clouds.

- Aromatic/aliphatic ratio:
‣ Pendleton & Allamandola (2002) concluded that the 

carbonaceous material was ~85% aromatic (ring) 
and ~15% aliphatic.

‣ However, Dartois et al. (2004) concluded that at 
most 15% of the carbon is aromatic.

‣ The aromatic/aliphatic ratio remains uncertain.
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238 PAHs and spectral features of dust

• As the light in the feature is unpolarized, when the 10µm silicate band
is polarized, the organic material of the 3.4µm resonance cannot reside
in mantles around “normal” silicate cores. The carriers possibly cover
the cores of very small, fast rotating and therefore unaligned particles.

FIGURE 9.11 The optical thickness in the 3.4µm band towards the source
GCS 3 in the Galactic Center (figure 12 in [Chi00]). The feature at 3.28µm
is attributed to the C–H stretch in aromatic hydrocarbons (PAHs).

 
The source GCS3 in the 
Galactic Center
Chiar et al. (2000, ApJ)



• Diffuse Interstellar Bands
- There are numerous web, very broad (FWHM > 140Å) features, known as the diffuse 

interstellar bands or DIBs, at visible wavelengths.
- These features are too broad to be absorption lines of atoms, ions, or small molecules. 

The strengths of DIBs are in general correlated with dust extinction, so it is likely that the 
DIBs are associated with the dust grain population.

- The first DIBs were discovered 98 years ago (Heger 1922) and their interstellar nature 
was established 86 years ago (Merrill 1934).

- However, not a single one of the DIBs has been convincingly identified!
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Figure 23.3 Extinction at wavelength λ (relative to the extinction at IC = 8020 Å)
for 6667 Å > λ > 5714 Å, showing some of the diffuse interstellar bands, based on
the compilation by Jenniskens & Desert (1994).

Figure 23.4 Fine structure, possibly due to molecular rotation, in the λλ5797 Å DIB,
on 3 different sightlines. This and similar structure seen in other bands strongly sug-
gests that at least some DIBs arise in large free-flying molecules = ultrasmall dust
grains. From Kerr et al. (1998), reproduced by permission of the AAS.

Extinction curve, showing some of the DIBs

Fig 23.3 Draine

Some of the DIBs may be due to free-flying 
large molecules (i.e., ultrasmall dust grains).



• Ice Features in Diffuse and Dark Regions
- In dark molecular clouds, a number of absorption features appear, most notably a strong band 

at 3.1μm which is produced by the O-H stretching mode in H2O ice.
- A number of other absorption features are also seen, including features due to CO (4.67μm), 

CH3OH (3.53μm, methanol), and CO2 (15.2μm).
- These are generally though to arise in icy “mantles” that encase dust grains found in dense 

molecular clouds. Ice mantles are not found on grains in the general ISM, as exposure to the 
interstellar radiation field sublimes the ices.

- CO is a molecule most commonly observed in the gas phase, but it can condense as a “frost” 
onto dust grains when the temperature drops below ~ 17K. CO2 has not yet positively 
observed in the gas phase (despite numerous searches) but it is seen as an ice condensed 
onto grains surfaces.
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FIG. 1.ÈComplete 2.4È25 km SWS Ñux spectrum of W33A. The obser-
vations were made in mode S01 (speed 4) with a resolving power of D500È
1000. The principal identiÐed and unidentiÐed spectral features are
labelled. Detections of and features near 10 km are reportedNH3 CH3OH
in ° 4.

those in cold, quiescent molecular clouds. CO, the most
volatile of the molecules commonly detected in grain
mantles, is predominantly in the gas phase (Mitchell, Allen
& Maillard 1988 ; Mitchell et al. 1990). The proÐle shapes of
solid-state features arising in both CO and give evi-CO2dence for partial evaporation and/or annealing of the
mantles (Chiar et al. 1998 ; Gerakines et al. 1999 ; Boogert et
al. 2000), and the carrier of the XCN feature seems likely to
be a product of energetic processing (UV photolysis and/or
energetic ion bombardment ; e.g., Grim & Greenberg 1987 ;
Bernstein et al. 1995 ; Schutte & Greenberg 1997 ; Demyk et
al. 1998 ; Palumbo et al. 2000).

Studying the composition and structure of ices as func-
tions of physical environment is vital to gaining an under-
standing of chemical evolution in protostellar envelopes.
Detailed studies of the solid-state molecular inventories in
sources such as W33A will provide an important database
for comparison with primitive solar system material such as
comets, and for constraining models of nebular chemistry.
To this end, we present in ° 2 the complete 2È25 km spec-
trum of W33A, as observed with the Short Wavelength
Spectrometer (SWS) of the Infrared Space Observatory
(ISO). The question of the ice abundance towardH2O

FIG. 2.ÈThe 2.4È6 km Ñux spectrum of W33A (solid curve) with the
adopted continuum Ðt (dashed curve).

W33A is addressed in ° 3, and Ðrst detection of ice inNH3this line of sight is reported in ° 4. A new constraint on the
abundance of nitriles is presented in ° 5. Solid-state column
densities and abundances for all identiÐed species toward
W33A are tabulated in ° 6 and compared with results for
other lines of sight. Conclusions and suggestions for future
research are summarized in the Ðnal section.

2. THE ISO SWS SPECTRUM OF W33A

W33A (R.A. decl. [17¡52@01A, J2000) was18h14m39s.4,
observed by the ISO SWS on 1996 October 10, during rev-
olution 329 of the mission. The SWS was used in mode S01
(speed 4), covering the entire spectral range available with
this instrument (2.4È45 km) at a resolving power DR/2
(where R, the full resolving power of the SWS, ranges from
1000 to 2000).9 A detailed description of the SWS and its
mode of operation is given by de Graauw et al. (1996). The
data were reduced at the Infrared Processing and Analysis
Center (IPAC) in Pasadena, CA, using the standard SWS
Interactive Analysis package (de Graauw et al. 1996) and
the latest available pipeline process (OLP V7.0).

Figure 1 shows the Ñux spectrum of W33A in the wave-
length range (2.4È25 km) of interest for solid-state features.
The principal features are labeled with their identiÐcation,
where known. The 25È45 km spectrum (not shown) exhibits
a smoothly rising continuum with no discernible spectral
features.

Because of low Ñux levels, the SWS spectrum of W33A is
extremely noisy near the centers of the deep features at
2.8È3.3 km ice) and 8È12 km (silicates). To improve(H2O
the situation, two quality-control ““ Ðlters ÏÏ were applied.
Individual points were rejected if either of the following
statements are true : (1) the signal-to-noise ratio, as deter-
mined in the standard pipeline reduction procedure, is less
than 3 ; and (2) the Ñux level is less than 0.1 Jy. The second
Ðlter is needed because the SWS data are generally unreli-
able at Ñux levels below 0.1 Jy, even when the nominal
signal-to-noise ratio is reasonable. This procedure has been
applied to the data presented in Figure 2 (below) and all
subsequent plots.

A recurrent problem in the study of solid-state features is
determination of the appropriate continuum baseline
needed to convert Ñux spectra to optical depth spectra. The
nature of the problem can be discerned from Figure 1 :
many of the features are broad and overlapping, and it is
difficult to be certain which segments of the spectrum are
pure continuum. Many of the features in W33A are suffi-
ciently deep that small errors in the chosen continuum level
will not greatly a†ect the proÐle shape or abundance esti-
mates, but the problem is more serious in the case of
shallow features (such as the combination mode : seeH2O
° 3.2). A common approach in studies that focus on an
individual feature is to Ðt a continuum to that feature in
isolation. Indeed, in the past, this approach has been dic-
tated to some extent by the limited spectral coverage a†ord-
ed to ground-based observations by the EarthÏs
atmosphere. We seek here to deÐne a global continuum for
the spectral range 2.4È6 km in W33A. A fourth-order poly-

9 Note that a number of mode S06 observations of W33A are also
available. These give full SWS resolution over shorter spectral segments
and are generally targeted to speciÐc features. Details of these observations
are presented elsewhere (Boogert et al. 1996, 1998, 2000 ; Gerakines et al.
1999 ; Schutte et al. 1999 ; Keane et al. 2000a) ; many of the results are
included in the inventory presented in ° 6 (Table 1).

Spectrum of the dust-embedded 
young stellar object W33A.

An ice feature called XCN at 4.62μm 
is attributed to   bonds, but the 
“X” carrier is so far unidentified.

Gibb et al. (2000, ApJ)
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([CO2]/[H2O] ∼ 20%); in the gas phase, however, CO2 is rare (figure 8.4).
One therefore has to conclude that the molecule is formed on the grain.

That CO2 is absent in the gas but often abundant as a solid is also evident
from the remarkable spectra in figure 8.4. We also see there that the CO
gas-to-solid ratio varies among the sources and that one can detect the two
phases of CO simultaneously. Towards GL4176, the very broad R- and P-
band to the left and right of the center wavelength arise from absorptions in
the gas. Towards NGC7538, the absorbing molecules are in a solid state and
the individual rotational lines have disappeared.

FIGURE 8.4 Vibrational bands of CO and CO2 towards three sources
[Dis98]. The CO v = 1 → 0 rot-vib transition is centered at λc # 4.66µm.

 

van Dishoeck et al. (1998, ASPC)

The spectrum of a vibrational transition of a diatomic 
gas molecule, like CO, splits into rotational line which 
generally group into an R-branch and a P-branch 
corresponding to rotational transitions with  
and , respectively.

Molecules in an ice mantle are squeezed in by other 
molecules and cannot rotate freely, so these 
branches are suppressed.

�J = 1
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Homework (due date: 05/30)
[Q16]
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128 Hot Ionized Medium
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Figure 5.9 Location in galactic coordinates of nearby hot DA white dwarfs. The circles
show regions of O vi detection; the triangles are non-detections at the 2σ level. The
diameters of the symbols are inversely proportional to their distances. The grayscale of the
symbols runs logarithmically from NOVI = 1012.4 cm−2 (white) to NOVI = 1013.6 cm−2

(black). [Savage & Lehner 2006]

Thus, the narrowest O vi absorption lines are consistent with thermal Doppler
broadening near the temperature of peak O vi abundance, T ≈ 3.0 × 105 K, with
the broader lines representing higher temperatures, turbulent gas, or variation in
bulk flow.

Exercises

5.1 Technologically advanced (but ethically dubious) space aliens have found
a method of converting mass M to energy E with 100% efficiency, using
Einstein’s relation E = Mc2.
(a) The star Proxima Centauri (Mpc = 0.123 M$, Rpc = 0.143 R$) is at a

distance d = 1.301 pc from the Earth. The space aliens convert 5% of
Proxima Centauri’s mass into energy, and use that energy to eject the
remaining 95% spherically outward at an initial speed uej. What is uej

in kilometers per second?
(b) The gas between the solar system and Proxima Centauri is part of

the Local Interstellar Cloud, with mean density nH = 1 cm−3 and
temperature T = 8000 K. Assuming uniform density and temperature,
how long will it take the blastwave from the explosion in part (a) to
reach the solar system? If the aliens beam us a taunting radio message
at the same time they blow up Proxima Centauri, how long will we
have to prepare for the arrival of the blastwave?

Exercises 129

(c) What will be the speed ush of the blastwave as it passes through the
solar system?

(d) What will be the pressure P2 and the temperature T2 right behind the
blastwave as it passes through the solar system?

(e) What will be the total thermal energy of the portion of the blastwave
that strikes the Earth? Is this greater than or less than the thermal
energy of the Earth’s atmosphere? [Hint: in addition to knowing the
Earth’s radius and average atmospheric temperature, you will need to
know the mass of its atmosphere.]

5.2 A lightning bolt can be approximated as a linear explosion, releasing an
energy per unit length ε in a gaseous medium of mass density ρ.
(a) If the shock created by the lightning is a cylindrical blastwave, what

is the radius of the expanding cylindrical shell as a function of time?
[There will be a dimensionless factor of order unity in your solution,
comparable with A for the spherical Sedov–Taylor blastwave. It’s not
necessary to compute the exact value of this number; just set it equal
to one.]

(b) If ε = 3 × 1012 erg cm−1, a typical value for lightning, and if ρ =
0.001 g cm−3, typical for the Earth’s lower atmosphere, find the radius
at which the pressure behind the shock is equal to the ambient pressure
of the Earth’s lower atmosphere.

5.3 Converting a helium-like ion (with two bound electrons) to a hydrogenic
ion (with one bound electron) requires an energy Ipen that we may call the
“penultimate ionization energy,” since it removes the penultimate (or next-
to-last) bound electron.
(a) For helium, with only two electrons to begin with, Ipen is equal to the

first ionization energy (Table 1.2). At what temperature Tpen does half
the helium become hydrogenic He+ rather than neutral He0? For a
hydrogenic ion, the Lyman α transition has energy hν0 ∝ Z2 and
Einstein A coefficient A21 ∝ Z4, where Z is the atomic number of
the ion. At the temperature Tpen that you have just calculated, what is
the thermal broadening b of the Lyman α line of He+? What is the
intrinsic broadening γ21/2π of the same line?

(b) Lithium has a penultimate ionization energy Ipen = 75.64 eV. At what
temperature Tpen does half the lithium become hydrogenic Li++? At
this temperature, what is the thermal broadening of the Lyman α line
of Li++? What is the intrinsic broadening of the same line? [Assume
the lithium is all 7Li, the most abundant isotope.]

From Ryden’s book


